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 The upcoming Solar Orbiter mission



Most of our knowledge about solar wind plasma and magnetic field in the 
inner heliosphere is due to Helios 1-2 s/c developed by the Federal Republic 
of Germany (FRG) in a cooperative program with NASA

 Two spacecraft, launched in 1974(10 

Dec) & 1976(15 Jan)

 ecliptic orbit, perihelium @ 0.29AU

 Plasma measurements: 

protons(+alphas) and electrons

 Slow plasma sampling, VDF in 40.5 sec

 Low phase space resolution

 NO composition

 NO imaging

Programme realized in only 5 years!
1969:      contract between FRG and NASA approved

10 December 1974:      Helios 1 launched

Helios program



Helios instruments

Plasma Experiment 1.

Magnetic Field 
Experiments 2. 3. 4.

Plasma Wave
Experiment 5.

Cosmic Radiation
Experiment 6. 7.

Low-Energy Electron 
and Ion Spectrometer 8.

Zodiacal Light 
Photometer 9.

Micrometeorid
Analyser 10.



Helios lifetime during solar cycles 20 - 21

Best data coverage during primary 
missions to the Sun during 1975 and 
1976

Bimodal nature of solar wind 
particularly clear during solar 
minimum
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(Schwenn, 1990)

@ 1 AU
• Broad high-speed streams with vp ~ 700 

km/s, np ~ 3 cm-3, Tp ~ 2·105 K

• Regions of slow solar wind with vp ~ 400 
km/s, np ~ 10 cm-3 and Tp ~ 4·104 K, highly
variable

With decreasing distance, we observe a 
steepening of the fast streams’ leading edges

First Helios observations
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Dynamical interaction 

steepens the speed profile

Fast wind interacts with the slow wind 

ahead creating a compression region 

called  stream-interface

First detailed studies on the dynamical 
interaction between fast and slow wind

• The interactions of slow and fast solar wind at the 
leading edges of high speed streams causes
compression to high plasma densities and 
deflections of the flow on both sides: westward
in the slow plasma and estward in the fast plasma



Macrostructure of the 
interplanetary magnetic field

The Ballerina model
[Schulz-Levy-Alfvén model (1973-1977)]

Helios crossed the Heliospheric 
Current Sheet several times along 
its orbit.



The crossing of the HCS at short heliocentric distances

[Bavassano et al., 1997]



«Asking for the average solar wind might appear as silly as asking for 
the taste af an average drink. What is the average between wine and 
beer? Obviously a mere mixing – and averaging means mixing – does 
not lead to a meaningful result. 
Better taste and judge separately and then compare, if you wish.»

[Rainer Schwenn, Solar Wind 5, 1982]

Importance of separating fast from slow wind

 Fast and slow wind features should never be averaged together. 



Differences in the Alfvénic character of the fluctuations
𝑣𝑎𝑧 = 𝑠𝑖𝑔𝑛[−𝑘 ∙ 𝐵0]

𝑏𝑧

4𝜋𝜌

Helios 2 @ 0.29 AU

Fast wind more Alfvénic than slow wind



Differences in the B-V alignment

t
tbtv

tbtv





 

)()(

)()(
cosˆ 1




 



𝑏 and 𝑣 quite aligned within fast wind
best alignment ~ 20-30 min

Helios 2 @ 0.29 AU



Differences in the spectral signature

Magnetic field spectral trace

fast

slow

The spectral break in 

the fast wind spectrum 

suggests shorter 

correlation lengths

Helios 2 @ 0.29 AU



Differences in the correlation length

Helios 2 @ 0.29 AU



Laboratory experiment with low 

temperature helium gas flow 
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from Leamon et al, 1999)

(Maurer et al., 1994)

A. N. Kolmogorov, 1903-1987

fraction of AU 

order of meters

The solar wind power spectrum is characterized by 
a power-law whose spectral slope is “universal”



The spectrum of turbulence is characterized by 
a power-law whose spectral slope is “universal”
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Cascade à la Richardson

inertial 

range

IMF power spectrum at 1 AU
(Low freq. from Bruno el al, 1985; high freq. Tail 

from Leamon et al, 1999)
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Nonlinear interactions and the consequent energy cascade 
need both Z+ and Z- to be present at the same time
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Differences in the power associated to e+ and e-

e+

e-

e+

e-

Helios 2 @ 0.29 AU

[Tu et al., 1990]

Fast wind: 𝑒+ is much higher than 𝑒−

e+: break; a flatter slope at low frequencies; a Kolmogorov-
like slope at higher frequencies. 
𝑒− : break; Kolmogorov slope at low frequencies; a sort of 
plateau at higher frequencies. 

Slow wind: both 
spectra have 
almost equivalent 
power density 
and follow the 
Kolmogorov 
slope.

f-5/3

f-5/3



Differences in the level of normalized crosshelicity

Helios 2 @ 0.29 AU

[adapted from Marsch and Tu, 1990]
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Higher values in fast wind



Differences in the level of magnetic and 
kinetic energy content

Helios 2 @ 0.29 AU

[adapted from Marsch and Tu, 1990]
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Close to equipartition

Magnetic energy imbalance



Power law spectra  scale invariance  self-similarity
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Power law brings scale invariance

Scale invariance implies self-similar PDFs

A typical IMF power spectrum in interplanetary 

space at 1 AU [Low frequency from Bruno et 

al., 1985; high freq. tail from Leamon et al, 

1999]

(numerical simulations)

From small to 
large scales



PDFs of magnetic field fluctuations
(Sorriso-Valvo et al., 1999)

Data show that solar wind PDFs DO 
NOT RESCALE

 Large scales  Gaussian PDF

 Small scales  peaked PDF fatter tail, 
extreme events more probable

Small scales

Large scales

The evolution of the shape of the PDF 
can be measured by the Flatness F
(fourth order moment) of the 
distribution itself. An estimate of this 
parameter can be obtained directly 
from the structure functions: 
Sp

t=<(x(t+t)-x(t))p>

What is intermittency?
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a continuous increase of F
reveals the presence of 
intermittency [Frisch, “95]. 



Different Flatness 
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Fast wind:
fluctuations mainly 
due to stochastic 
Alfvénic fluctuations

Slow wind: 
fluctuations due to 
convected structures



Coronal conditions particularly steady at 
the Sun allowed to observe the ‘same’ 
corotating stream at different 
heliocentric distances [Villante (1980)
and Bavassano et al. (1982)] 

Unique chance to study the radial 
evolution of fluctuations while looking 
at plasma coming from the same solar 
source

Radial dependences with Helios

All these features evolve with the radial distance from the Sun in the fast wind
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Radial evolution of solar wind turbulence

Non linear  

interactions 

are at work
[Bruno & Carbone, 2013]



For increasing distance:

 e+ decreases towards e–

 spectral slope evolves 
towards -5/3

 No much radial 
evolution

 spectral slopes always 
close to -5/3

FAST

SLOW

[Marsch  and Tu, 1990]

[Bruno]

0.3AU

0.3AU

0.9AU

0.9AU

Evolution in the power
associated to e+ and e-



 No alignment for slow wind, as 
expected from fully developed 
turbulence (|δZ+|=|δZ-|)

 Since e+→e-,  δB-δV alignment 
decreases during expansion

 Best alignment for younger 
turbulence (0.3AU)

Evolution of δB-δV alignment 

FAST

SLOW
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 slow wind is more intermittent than fast wind 

 fast wind shows a clear radial trend which is missing in the 
slow wind. 
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0.3 AU

0.7 AU

0.9 AU A new population appears, 
characterized by magnetic 
energy excess and low 
Alfvénicity

Alfvénic population

(Bruno et al., 2007)
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Alfvénic population

(Bruno et al., 2007)
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turbulence evolution or the 
signature of underlying
advected structure

FAST WIND
Radial evolution of MHD turbulence 
in terms of R and C (scale of 1hr)
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Different situation in 
Slow Wind: 

• no evolution
• second population 

already present at 
0.3 AU
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Helios 2 observations



Solar wind turbulence is mainly made of two ‘ingredients’
(Mariani et al., 1973; Thieme et al., 1988, 1989; Tu et al., 1989, 1997; Tu and Marsch, 1990, 1993; Bieber and Matthaeus, 1996; Crooker et al., 1996; 
Bruno et al., 2001, 2003, 2004; Chang and Wu, 2002; Chang, 2003; Chang et al., 2004; Tu and Marsch, 1992, Chang et al., 2002, Borovsky, 2006, 2009, Li, 
2007, 2008, Tu and Marsch, 1991; Bruno and Bavassano, 1991, Bieber et al, 1996; see more refs. in Bruno and Carbone, 2013)

• Alfvénic fluctuations which propagate

• Structures advected by the wind or locally generated

(Tu and Marsch, 1995)

Alfvénic fluctuations would
cluster within adjacent flux-
tubes along the local magnetic
field direction

(Bruno et al, 2001)
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Typical VDF and heating

Slow wind Fast wind

0.3 AU

1.0 AU

(Marsch et al, 1982)
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First adiabatic invariant in 
fast wind

Fast wind does not expand adiabatically
Preferencial heating perpendicular to local B direction

Helios 2 observations

Thermal anisotropies hide kinetic
processes not fully understood



Wave-particle interactions are the key 
to understand ion kinetics in the corona 
and solar wind

• Vp increases with VSW 

• Vp increases approaching the sun   
• Vp is of the order of  VA

• No radial dependence for slow wind 
Helios observations

Kinetic aspects

Alfvénic fluctuations might play an important
role in determining the speed of minor ions.

(Marsch et al, 1982)

slow

fast

Shaping of the proton
VDF by ion-cyclotron
resonance caused by 
Alfvén-cyclotron waves

(Marsch and Tu, 2001)

ions in resonance with transverse ion-cyclotron waves, 
propagating parallel to the magnetic field, undergo 
merely pitch-angle diffusion which shapes the VDF



Radial evolution of solar wind turbulence

[Bruno & Carbone, 2013]

No dissipation range with Helios data 
since temporal resolution does not
allow to investigate this range.



Radial evolution of the ‘kinetic’ break

Magnetic field spectral densities relative to 
measurements recorded by Messenger (at 0.42 and 0.56 
AU), Helios 2 (at 0.29, 0.65 and 0.89 AU), Wind at the 
Lagrangian point L1, and Ulysses at 1.4 AU within high-
speed streams observed in the ecliptic. 

(Telloni et al, ApJ 2015)

Recently, it has been found that the break 
position is in remarkable agreement with the 
ion-cyclotron resonant frequency condition.

Different relevant lengths can be associated 
with the heating phenomenon, depending on 
the particular dissipation mechanism we 
consider.



Solar Orbiter will be the first spacecraft since Helios to sample the inner
heliosphere at distances as close to the Sun as 60 RS. The main goal is to study the
link between solar sources and in situ measurements. To do that:

 It will be equipped with in-situ instruments significantly more capable than
those flown on Helios, as well as with remote-sensing instruments for the
observation of the corona and photosphere.

 Its orbital design allows the spacecraft to achieve approximate co-rotation with
the Sun for periods of several days, measuring the solar wind plasma and
magnetic field in-situ while simultaneously observing their source regions on
the Sun.

 Increasing inclination up to more than 30° with respect to the solar equator
allows out-of-ecliptic measurements.

Solar Orbiter’s novelties respect to 
previous missions



SolO’s orbit

October 2018
Cruise Nominal Extended



Objective 1: What drives the solar wind and where does the heliospheric magnetic field 
originate?

1.1 What are the source regions of the solar wind and heliospheric magnetic field?
1.2 What mechanisms heat and accelerate the solar wind?
1.3 What are the sources of solar wind turbulence and how does it evolve?

Solar Orbiter detailed science objectives

Objective 2: How do solar transients drive heliospheric variability?
2.1 How do CMEs evolve through the corona and inner heliosphere?

2.2 How do CMEs contribute to solar magnetic flux and helicity balance?

2.3 How and where do shocks form in the corona?

Objective 3: How do solar eruptions produce energetic particle radiation that fills the 
heliosphere?

3.1 How and where are energetic particles accelerated at the Sun?
3.2 How are energetic particles released from their sources and distributed in space and time?
3.3 What are the seed populations for energetic particles?

Objective 4: How does the solar dynamo work and drive connections between the Sun 
and the heliosphere?

4.1 How is magnetic flux transported to and re-processed at high solar latitudes?
4.2 What are the properties of the magnetic field at high solar latitudes?
4.3 Are there separate dynamo processes acting in the Sun?





Solar Wind Analyser Plasma Suite

The Solar Wind Plasma Analyzer (SWA) consists 
of a suite of 3 sensors: 
• the Electron Analyser System (EAS), 
• the Proton-Alpha Sensor (PAS) and 
• the Heavy Ion Sensor (HIS), 
together with a common DPU.

Stefano Livi
(SwRI/USA), Co-PI

Philippe Louarn
(CESR/France), Co-PI

Chris Owen (MSSL/UK),
PI of SWA and responsible for EAS

Roberto Bruno (INAF-IAPS/Italy), Co-PI
Responsible for the common DPU

First suite of coordinated in situ measurements
made inside 1 AU, which include mass 
composition as well as high resolution 3-D 
velocity distributions (ions and electrons). 



Proton and Alpha Sensor (PAS)

• Energy range from 0.2 – 20 keV/q, with ΔE/E ~7.5%
• FoV: elevation ±22.5° Q = 5 °, azimuth -24° ÷ 42° F = 6°

High temporal resolution
• Full 3D VDF sampled at 1 sec (NM)
• Moments (number density, bulk speed, pressure 

tensor) of the proton distribution at 4s (NM) 
• Reduced 3-D  distributions up to 14 Hz (BM)

Scientific objectives
 kinetic and fluid properties of the bulk solar wind

plasma and dominant physical processes (e.g.: 
wave- particle interactions, origin and dissipation
of turbulence, etc); 

 dynamics and evolution of stream interactions, 
shocks and CMEs



SWA:  
 sampling capabilities three orders of magnitude faster than Helios. 
 First time exploration of the dissipation range with 3D VDF

fb

VTh=(KTp/mp)1/2=68 km/s
RL= VTh /C=17km
Vsw=729km/s
VA=169km/s
fc=1.52 ·10-2 B[nT]=0.63 Hz
fb1.2Hz (estimate)

Reduced 3D  
snapshots for
kinetic studies in 
the dissip. range

Helios 2,  1976

f -1

fc

f -5/3

f -5/3

HELIOS-Solar Orbiter comparison

[Helios mag. field  @ 4Hz 
also exist]



Structures advected by the wind

A height-time plot of small-scale structures in the solar wind, as measured 

by the Heliospheric Imager on STEREO. At the perihelia of Solar Orbiter 

(yellow) the advected structure  of the wind is clearly visible.

0.28AU

Going close to the sun and sampling for long enough time intervals will allow to 
go through the advected structure of the wind

(Courtesy J. Davies, Rutherford Appleton Laboratory, UK)



 SolO is a discovery mission: remote & in situ packages
@ 0.28 AU, corotation, high latitude

 SolO will answer fundamental questions relevant to 
both solar and stellar physics.

 The Solar Wind Analyser will investigate kinetic and 
fluid properties of the bulk solar wind plasma and 
dominant physical processes allowing to investigate for 
the first time composition and the dissipation range
close to the Sun.

Conclusion

 Helios still represents a unique dataset to study the radial
evolution of solar wind fluctuations in the inner heliosphere

 Our scientific community has been working with Helios data 
for the past 40 years mainly using data from the primary 
missions of Helios 1 and 2 (about 4 months each), publishing 
hundreds of papers.



The spectral cascade ends up in what looks like a "dissipation range "

typical IMF power spectrum in at 1 AU
[Low frequency from Helios  (Bruno et al., 1985), high freq. tail from WIND 
(Leamon et al, 1998)]

 Correlative Scale/Integral Scale:

 the largest separation distance over 
which eddies are still correlated.    i.e. 
the largest turb. eddy size.

 Taylor scale:

 The scale size at which viscous 
dissipation begins to affect the eddies.

 Several times larger than Kolmogorov 
scale

 it marks the transition from the inertial 
range to the dissipation range. 

 Kolmogorov scale:

 The scale size that characterizes the 
smallest dissipation-scale eddies

10
-7

10
-6

1x10
-5

1x10
-4

10
-3

10
-2

10
-1

10
0

10
1

10
-4

10
-3

10
-2

10
-1

10
0

10
1

10
2

10
3

10
4

10
5

10
6

10
7

 

 

p
o

w
e

r 
d

e
n

s
it
y
 [
2

/H
z
]

frequency [Hz]

fc

k-5/3

k-1

C
o

rr
el

at
iv

e 
 s

ca
le

T
ay

lo
r 

 s
ca

le

K
o

lm
o

go
ro

v 
 s

ca
le

Energy 
containing 
scales

Inertial 
range

Diss. 
range

(Batchelor, 1970)

2











T

C
mR







 different relevant lengths  can be associated with the heating phenomenon, 
depending on the particular dissipation mechanism we consider

 Characteristic scales which could be related to the observed spectral break are:

proton plasma frequency [rad/s]  2/12 /4 pp mnq 

 cmqB pp /

pAp vc  //

Li  

where

pi c  /2

pthL v  /2Proton Larmor radius

Proton inertial length

proton cyclotron frequency [rad/s]

since

proton inertial length can be expressed as pAi v  /2



SWA measurements of
• electron pitch angle distribution, 
• alpha/proton ratio, 
• freeze-in temperature (e.g. Fe), 
• O and Fe charge state ratios 
will establish firm links between coronal 
sources of CME’s and their in-situ 
counterparts.

Heavy ions will help to identify
the source regions of CME’s



The transition between fast and 
slow wind is sharply detected by 
elemental and charge composition 
which remains unchanged during 
wind expansion.

Small scale properties of coronal 
hole boundaries can be detected

Slow wind has higher oxygen freeze-in temperature
Slow wind has higher FIP effect (enrichment of Mg/O, 
Mg has a lower FIP with respect to O)

Origin of the solar wind



Power law spectra  self-similarity
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Power law brings scale invariance

Scale invariance implies self-
similar PDFs

A typical IMF power spectrum in interplanetary 

space at 1 AU [Low frequency from Bruno et 

al., 1985; high freq. tail from Leamon et al, 

1999] 
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If we introduce a scale transformation r , we obtain: v r v  that implies that PDF( v ) PDF r

Van Atta and Park (1975) showed that, using standardized variables like y v v , we obt
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ain: 

PDF(y )=PDF(y ).

(numerical simulations)

From small to 
large scales


