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Eruptive phenomena: 
prominence/filament eruption

Models for the eruption of a flux rope.
(a) Flux-cancellation (Linker et
al., 2003). (b) Tether-cutting (Moore et
al., 2001). (c) Kink instability (Fan &
Gibson, 2003). (d) Flux cancellation
(Amari et al., 2000). (e) Loss-of-
equilibrium (Forbes & Isenberg, 1991).

Filament activation is a
precursor of approaching
flare activity.

Filaments outside ARs
can erupt and give rise to
CMEs

Chromosphere - Corona

https://link.springer.com/article/10.12942/lrsp-2011-6
https://link.springer.com/article/10.12942/lrsp-2011-6
https://link.springer.com/article/10.12942/lrsp-2011-6
https://link.springer.com/article/10.12942/lrsp-2011-6
https://link.springer.com/article/10.12942/lrsp-2011-6


Eruptive phenomena: 
flares

WL 10:28:11 U.T.

171 Å 10:48:32 U.T.

195 Å 10:48:38 U.T.

1600 Å 10:48:24 U.T.

Flares are magnetically
driven phenomena that
can involve all the
atmospheric layers (and
beyond …)
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on time scales of several hours. The soft X-rays are due to thermal radiation, or
bremsstrahlung, of a gas heated to temperatures of tens of millions of degrees (Jan-
vier et al., 2015). In this phase, we observe the so called post-flare loops, that are very
hot (T = 10 MK) and are seen to expand above the flaring region. These loops appear
first in hot filters and progressively are observed in colder filters (Forbes, and Ac-
ton, 1996). Moreover, newly formed loops appear above already existing loops ( e.g.
Raftery et al., 2009; sun et al., 2013), filled with evaporated dense plasma, through a
process called chromospheric evaporation.

FIGURE 2.1: Time profile of solar flares in different spectral ranges.

The different flare phases described above can be recognized in Figure 2.2, rel-
evant to an event observed on 6th March, 1989. We can see that the preflare phase
lasts from about 13:50 to 13:56 UT. This is followed by the flash phase, that ends at
about 14:06 UT, when the main phase begins. Note that the soft X-ray flux continues
to fall smoothly.

They are 
characterized by a 
violent and sudden

release of energy, of ~ 
1028 - 1032 erg, that

can last for some tens
of minutes or hours 

and can involve 
emission in the whole

electromagnetic
spectrum. Magnetic energy is

converted into
particle energy, heat,
waves, e.m. radiation
and plasma motion.

Photosphere -
Chromosphere -

Corona



Eruptive phenomena: CMEs
CMEs: expulsion of mass of the order of
1014 – 1016 g, with v ~ 103 km/s, involving an
energy release of ~ 1028 – 1032 erg.
The departure of coronal plasma can
produce dimmings in the corona.

Chapter 4. Coronal Mass Ejection: observations and models 29

FIGURE 4.3: Example of a partial halo CME evolution observed the
1st Jan 2014 using the LASCO–C3 coronagraph onboard of SOHO
spacecraft. The event started at 14:00 UT and ended at 19:15 UT. Note
that a partial halo CME during its eruption does not cover the whole

coronagraph disk.

the cancellation of magnetic flux near the neutral line of a sheared magnetic arcade
would produce helical magnetic field lines, i.e., flux ropes. This configuration can
support a filament, but if magnetic flux cancellation takes place, the filament can be
erupted, giving rise to a CME. It is worthwhile to stress that the tether cutting and
the flux cancellation models are quite similar, being both based on reconnection, but
while the latter is related to a more gradual evolution occurring in the photosphere,
the former is more impulsive and occurs in the low corona.

CME observed by LASCO–C3. 

8.1. Description of 3D reconstruction techniques

There are several ways to derive the position of a feature in 3D
from two viewpoints (either from both STEREO spacecraft or
from one STEREO spacecraft combined with SOHO), here
we describe some of the most popular methods used to map
features in the SECCHI-COR coronagraphs (Howard et al.
2008) and SECCHI-HI imagers (Eyles et al. 2009) datasets.

Three methods used to reconstruct features through COR
images include: the triangulation method, the gradual cylindri-
cal shell model, and the polarized ratio method. The triangula-
tion method involves: finding a corresponding feature in two
images (identified by either visual inspection or using a LCT
method) and calculating where the lines of sight of the pro-
jected feature in each image intersect in 3D space. The intersec-
tion of the two lines defines the location of the feature (e.g.,
Inhester 2006). The gradual cylindrical shell model is a forward
modeling (FM) technique (see Thernisien et al. 2006, 2009).
This model is used to reproduce large-scale structures such as
CMEs. For a flux rope-like CME a tubular section is often used
to represent the main body and two cones for the legs. Only the
surface of the CME is modeled, there is no rendering of its
internal structure. Finally, the polarized ratio (PR) method,
which is based on the Thomson scattering geometry
(see Billings 1966), can be used to obtain a 3D reconstruction
of a CME from coronagraph images obtained with different
polarizer orientations (Moran & Davila 2004; Dere et al.
2005; de Koning & Pizzo 2011). The PR method can be
applied separately to COR-A and COR-B images. By applying
the method to both sets of images it is possible to get two dif-
ferent results that can be compared with each other, thus giving
an estimate of the method uncertainty. These three methods are
employed below to derive the 3D properties of CMEs in coro-
nagraphs FOV. A more detailed description of the methods can

be found in references Mierla et al. (2010) and Thernisien et al.
(2011).

Methods for deriving the positions of ICMEs observed in
HI observations include: the Fixed-U, Point-P (Kahler &
Webb 2007), and Harmonic Mean methods (Lugaz et al.
2009). The first two methods involve identifying a single fea-
ture from both HI points of view and triangulating the position.
However, in the HI FOVs, distances from the Sun are measured
in elongation, ! (degrees), the Fixed-U and Point-P methods
convert the position of observed features from elongation to
radial distances, r (AU). The Point-P method describes the
region of maximum Thomson scattering by the ICME electrons
as seen by the observer (Vourlidas & Howard 2006), and is
defined as: r(P) = sin(!) (see Kahler & Webb 2007). The
Fixed-U method uses the angle between the Sun and the prop-
agating structure to track a feature. For a radial motion from a
source at colatitude U, the Fixed-U method gives the distance
from Sun center (AU) as (Kahler & Webb 2007):

rðU; !Þ ¼ tanð!Þ sinðUÞ þ tanð!Þ cosðUÞ½ & ' 1: ð4Þ

The main difference between these two methods is: the CME is
assumed to be expanding spherically from the Sun in the Point-
P method, whereas, the CME is considered to be a narrow
structure propagating along a fixed direction (given by U) in
the Fixed-U method. The Harmonic Mean method is a tech-
nique developed by Lugaz et al. (2009) designed to comple-
ment the 3D fitting of CMEs by cone models or flux rope
shapes. The method derives an analytical relationship between
elongation angles and radial distances for CMEs, where the
relationship is the harmonic mean of the Point-P and Fixed-U
approximations. The two former methods are applied in this
study. See Möstl et al. (2010) for an application of the Har-
monic Mean method to the HI data.

(a) (b)
Fig. 16. Snapshots of the relative density and of the magnetic field lines for the simulation of Zuccarello et al. (2009).

F. Zuccarello et al.: Solar activity across the corona

A18-p19

Snapshots of the relative density and of 
the magnetic field lines in the simulation

of Zuccarello et al. (2009).For an X-class event the flare
radiation and the CME kinetic
energy can have comparable
magnitudes (1032 erg). Corona



Eruptive phenomena: 
a unifying model

The 2D standard model, with the
locations of the rising filament /
prominence, the current sheet, the flare
ribbons (Hα, UV and EUV ) the
footpoints (HXR and WL) and the
CME.

Chapter 2. Solar flares: observational characteristics and standard model 16

FIGURE 2.4: Schematic representation of the standard flare model,
showing the locations of the rising filament /prominence and of the

current sheet.

These post-flare loops emit radiation, so they cool down until they show an
emission in the EUV range with a temperature ranging from 1 to 2 million of Kelvin.
The outer loops are seen in SXR while the inner loops are seen in EUV and later in
H↵ (see Figure 2.5).
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(moving

outwards from 
the PIL)

Current sheet

30 MK

Thermal 
conduction

 2
 

Pa
ge

 2
2 

of
 5

9
L

iv
in

g
R

ev
.S

ol
.P

hy
s.

 (2
01

7)
 1

4:
2 

F
ig

.1
6

Le
ft

a
sc

he
m

at
ic

dr
aw

in
g

of
th

e
on

e-
lo

op
fla

re
m

od
el

.R
ig
ht

ob
se

rv
at

io
n

of
an

ap
pa

re
nt

X
-p

oi
nt

be
hi

nd
a

co
ro

na
lm

as
s

ej
ec

tio
n

ob
se

rv
ed

by
L

A
SC

O
/S

O
H

O
in

w
hi

te
lig

ht
(c

op
yr

ig
ht

by
N

A
SA

)

th
e

Su
n

ar
e

st
ill

po
ss

ib
le

,b
ut

no
ta

s
ne

ce
ss

ar
y

in
gr

ed
ie

nt
of

th
e

m
od

el
.T

hu
s,

th
e

tw
o-

lo
op

m
od

el
is

of
te

n
pr

op
os

ed
fo

r
no

n-
er

up
tiv

e
“c

om
pa

ct
fla

re
s”

.T
he

m
od

el
pr

ed
ic

ts
th

e
ex

is
te

nc
e

of
4

fo
ot

po
in

ts
.T

he
nu

m
be

ro
ff

oo
tp

oi
nt

s
in

ha
rd

X
-r

ay
s

ra
re

ly
ex

ce
ed

s
tw

o.
H

ow
ev

er
,r

ad
io

ob
se

rv
at

io
ns

ha
ve

be
en

pr
es

en
te

d
th

at
co

m
pl

em
en

tt
he

nu
m

be
ro

f
X

-r
ay

fo
ot

po
in

ts
,r

es
ul

tin
g

in
th

e
fr

eq
ue

nt
de

te
ct

io
n

of
th

re
e

or
m

or
e

fo
ot

po
in

ts
(K

un
du

19
84

;H
an

ao
ka

19
96

,
19

97
).

N
is

hi
o

et
al

.(
19

97
)

fin
d

th
at

th
e

tw
o

lo
op

co
ns

id
er

ab
ly

di
ff

er
in

si
ze

an
d

th
at

th
e

sm
al

le
rl

oo
p

us
ua

lly
do

m
in

at
es

th
e

X
-r

ay
em

is
si

on
.T

he
re

is
al

so
ev

id
en

ce
fr

om
re

ce
nt

pr
e-

fla
re

E
U

V
ob

se
rv

at
io

ns
fo

r
m

ul
tip

le
-l

oo
p

in
te

ra
ct

io
ns

(S
ui

et
al

.2
00

6)
.

O
ne

-l
oo

p
fla

re
m

od
el

s
of

th
e

C
SH

K
P

ty
pe

pr
ed

ic
t

th
e

pr
es

en
ce

of
pl

as
m

oi
ds

in
in

te
rp

la
ne

ta
ry

sp
ac

e,
su

gg
es

tin
g

a
de

ta
ch

ed
bu

bb
le

(i
.e

.,
m

ag
ne

tic
fie

ld
lin

es
th

at
cl

os
e

w
ith

in
th

e
so

la
rw

in
d)

.S
uc

h
pl

as
m

oi
ds

ar
e

ch
ar

ac
te

ri
ze

d
by

th
e

la
ck

of
su

pr
at

he
rm

al
el

ec
tr

on
s

(f
ew

tim
es

th
er

m
al

)b
ec

au
se

th
ei

rfi
el

d
lin

es
ar

e
di

sc
on

ne
ct

ed
fr

om
th

e
Su

n.
T

he
y

ha
ve

in
de

ed
be

en
re

po
rt

ed
(G

os
lin

g
et

al
.1

99
5)

.M
or

e
fr

eq
ue

nt
ly

ob
se

rv
ed

ar
e

co
un

te
r-

st
re

am
in

g
su

pr
at

he
rm

al
el

ec
tr

on
s,

in
di

ca
tin

g
th

at
th

e
fie

ld
lin

e
is

cl
os

ed
,i

.e
.,

st
ill

co
nn

ec
te

d
to

th
e

Su
n

on
bo

th
si

de
s

(C
ro

ok
er

et
al

.
20

04
).

A
cc

or
di

ng
to

th
es

e
au

th
or

s,
su

ch
fe

at
ur

es
in

th
e

el
ec

tr
on

di
st

ri
bu

tio
n

ar
e

fr
eq

ue
nt

ly
ob

se
rv

ed
in

m
ag

ne
tic

cl
ou

ds
as

so
ci

at
ed

w
ith

C
M

E
s.

N
ev

er
th

el
es

s,
th

ey
ar

e
no

t
as

so
ci

at
ed

w
ith

th
e

gr
ea

t
nu

m
be

ro
fs

m
al

le
rfl

ar
es

.
Fu

rt
he

rm
or

e,
th

er
e

is
a

w
el

l-
kn

ow
n

as
so

ci
at

io
n

of
ne

ar
ly

ev
er

y
la

rg
e

fla
re

w
ith

ty
pe

II
Ir

ad
io

bu
rs

ts
at

m
et

er
w

av
el

en
gt

hs
,p

ro
du

ce
d

by
el

ec
tr

on
be

am
s

es
ca

pi
ng

fr
om

th
e

Su
n

on
op

en
fie

ld
lin

es
co

nn
ec

te
d

to
in

te
rp

la
ne

ta
ry

sp
ac

e.
B

en
z

et
al

.(
20

05
)r

ep
or

t
th

at
33

%
of

al
lR

H
E

SS
Ih

ar
d

X
-r

ay
fla

re
s

la
rg

er
th

an
C

5
in

G
O

E
S

cl
as

s
ar

e
as

so
ci

at
ed

w
ith

su
ch

bu
rs

ts
.T

hi
s

su
gg

es
ts

th
at

in
a

th
ir

d
of

al
lfl

ar
es

at
le

as
to

ne
of

th
e

fo
ur

en
ds

of
re

co
nn

ec
tin

g
fie

ld
lin

es
is

op
en

.A
s

ty
pe

II
I

bu
rs

ts
re

pr
es

en
to

nl
y

a
sm

al
lf

ra
ct

io
n

of
th

e
fla

re
en

er
gy

,t
hi

s
m

ay
no

th
ol

d
fo

r
th

e
m

aj
or

fla
re

en
er

gy
re

le
as

e
si

te
,b

ut
on

ly
to

su
bs

ite
s.

W
e

no
te

,
fu

rt
he

rm
or

e,
th

at
ty

pe
II

I
bu

rs
ts

ve
ry

of
te

n
oc

cu
r

al
so

in
th

e
ab

se
nc

e
of

re
po

rt
ed

X
-r

ay
fla

re
s

(K
an

e
et

al
.1

97
4)

.T
he

en
er

gy
re

le
as

e
by

an
op

en
an

d
a

cl
os

ed
fie

ld
lin

e,
te

rm
ed

in
te

rc
ha

ng
e

re
co

nn
ec

tio
n,

ha
s

be
en

pr
op

os
ed

so
m

e
tim

e
ag

o
(H

ey
va

er
ts

et
al

.1
97

7;
Fi

sk
et

al
.1

99
9)

an
d

ap
pl

ie
d

m
or

e
re

ce
nt

ly
to

in
si

tu
ob

se
rv

at
io

ns
in

a
C

M
E

(C
ro

ok
er

an
d

W
eb

b
20

06
).

In
co

nc
lu

si
on

,t
he

re
is

go
od

ev
id

en
ce

fo
rb

ot
h

th
e

on
e-

lo
op

an
d

tw
o-

lo
op

sc
en

ar
io

s
fo

r
th

e
ge

om
et

ry
of

th
e

co
ro

na
l

m
ag

ne
tic

fie
ld

in
so

la
r

fla
re

s.
T

he
re

is
no

re
as

on
to

12
3

A CME observed by LASCO.        
Image rotated 90° counterclockwise.

SOL2017-09-10

Magnetic Reconnection

Chromosphere -
Photosphere

Corona



Solar coronal plasma 
• Corona: hot, low density plasma 

(relatively to solar interior) 

– T~106 ; ne~109 cm-3 ; P~1 Dyne cm-2  
– Plasma fully ionized 
 

• Magnetohydrodynamics (MHD) 
approximation 
– Fluid approximation 
– Non relativistic scales (v0 << c)  

• Electric currents are induced by the 
magnetic field : Ampère Law 
 
 
 

– Quasi-neutrality 
• For length scale >> Debye length, ~ 1 

cm in the corona 

Height  
(Mm) 

Density (g cm-3) 
 

Pressure (Dyne cm-2) 

Temperature (K) 
103 104 105 106 

1 104 108 

10-14 10-10 10-4 10-12 10-6 10-8 

102 106 

-5 

0 

10 

15 

Convection 
Zone 

Phot. / Chrom. 

Coronna 

Solar Coronal Plasma

(adapted from E. Pariat
Presentation - Vulcano 2012)



Ideal MHD 

• Electric current in a moving plasma: 
• Resistive Ohm law (E’=Kj) + Ampère law (               ) + 

Faraday law  
• MHD induction equation 

 
• Magnetic Reynolds number: 

– Rm >> 1: Ideal MHD 
– Rm << 1: Resistive MHD  

• Solar Corona: 
–  V0~1 km s-1, K ~ 10-3 m2 s-1, L0~>10 km 
– Rm>104 : ideal MHD is a very good approximation of the 

solar corona  
 

( )BvB
t
B 2 ´´Ñ+Ñh=
¶
¶

Ideal MHD Approximation
• Electric field in a moving plasma: E’ = E + v x B

• Resistive Ohm Law (E’=ηj) + Ampère law (μ0j =▽xB) + 
Faraday law ▽xE = -

• MHD induction equation

( )BvB
t
B 2 ´´Ñ+Ñh=
¶
¶



“Frozen-in” flux in ideal MHD 
• Ideal MHD induction equation: 
• Magnetic flux conservation: the flux through 

any closed co-moving surface is conserved 
 
 

• Frozen flux: plasma & magnetic field line are 
frozen  together:  

• Î Magnetic field lines are physical objects 
• Connectivity conservation: two plasma 

elements lying initially on a field line will 
always do so 

• Î field line cannot change its topology / 
connectivity  

∂B
∂t

=∇× (v×B)

Frozen-in Flux in Ideal MHD



Plasma E  
• MHD Momentum equation: 

 
 
 

• Plasma beta: 
 
 
 

–  E >> 1: thermodynamic dominates 
the plasma dynamics 

–  E << 1: magnetic field dominates   
 

• Corona: E << 1 
–  B dominated region: magnetic 

field fills the whole coronal 
volume and structure the domain. 

• Sub-photosphere: E > 1 
– Plasma dominated: lasma flows 

advect the magnetic flux tubes  

Plasma β



Magnetic reconnection 
• Magnetic reconnection is the 

mechanism that correspond to the 
local violation of the ideal MHD 
conditions 

• MHD induction equation 
• Magnetic Reynolds number: 

– Rm >> 1: Ideal MHD ; Rm << 1: 
Resistive MHD  

• Solar Corona: V0~1 km s-1, K~ 10-3 m2 
s-1 : 
–  Rm ~1 for L0~1 m: recon. is a VERY 

localized process relatively to solar 
scales 

• Magnetic reconnection locally 
diffuse the plasma and allows a 
change of connectivity of the field 
lines 
 

∂B
∂t

=∇× (v×B)

Magnetic Reconnection



Magnetic reconnection 

• Reconnection occurs where/when the resistive term is high: 
– Possibly depends on local plasma condition: K can increases with 

temperature, depending on type of collisions, ….  
– Depends on the geometry of the magnetic field: the field must present 

strong  rotational of the electric current density, i.e localized thin current 
sheet 

 
• Magnetic reconnection is a challenging process to understand because 

it couples strongly local and global scales  
 

(Aulanier  04) 

( )BvB
t
B 2 ´´Ñ+Ñh=
¶
¶

Magnetic Reconnection



Active regions on the Sun:
the result of the interaction between 

localized magnetic fields and the solar plasma

Given the physical conditions in the solar
atmosphere, these phenomena can give rise
to eruptive phenomena !

The activity
phenomena in the
solar atmosphere
are due to the
emergence of
magnetic flux
tubes and to their
interaction with
the ambient
plasma.



Slit-Jaw at 17:46 of lines 1330, 2796, 2832, AIA 171 and AIA 304

Back to solar eruptive phenomena

• Filament eruptions

• Flares

• Coronal Mass Ejections



Filament / Prominences : classification
Ø Morphologycal classification
(different size and dynamics) 

• Active Region Prominences: often characterized by sudden eruptions
(associated to flares).  
Short lifetimes (few hours or one-two days).
Located at low latitudes.

• Quiescent Prominences: very large size and often located at high solar 
latitues. 

Size & Lifetime Magnetic field strength



Prominences are always located
above a photospheric neutral
(inversion) line that separates
regions of opposite magnetic
polarity;

Old observations and models:
the magnetic field is mainly
horizontal and can be
characterized by a configuration
called:
§ (a) Normal: low latitudes and
small size (~30000 Km)

§ (b) Inverse: high latitudes and
larger size

New observations and models:
Helical or twisted magnetic field
configuration within the filaments
(flux rope).

  

•A filament always sits along the magnetic inversion line 

(magnetic neutral line) that separates regions of different 

magnetic polarity

•Helical or twisted magnetic structure is seen within filament

  

•A filament always sits along the magnetic inversion line 

(magnetic neutral line) that separates regions of different 

magnetic polarity

•Helical or twisted magnetic structure is seen within filament



ppt presentation : Markus Aschwanden  (AIA/HMI workshop, Monterey 2006) 

Dynamical Corona

Filaments – Flux Ropes eruption



SOLAR FLARES

A solar flare is a sudden
(trise ~ few minutes),
localized (l ~ 106 – 108 m),
release of energy (from 1023
erg in nanoflares to 1032 erg
in large two ribbon flares)

during which magnetic
energy is converted into
radiation across the entire
electromagnetic spectrum,
heating, particle
acceleration and mass
motions.



Solar flares

• Solar flares can be (associated to) the most powerful events in the solar
system

• Radiation and particles emitted during flares may strongly interact
with Earth ionosphere and magnetosphere

• They represent an optimal tool to understand the physical processes
involved in magnetic reconnection



However, understanding solar flares
is not an easy task!



Simple-loop flare
The HXR loop-top source indicates that energy release occurs high in
the loop.



Two ribbon flares

Hystorically, these events
were firstly observed in the
Hα line

Therefore they were
classified as “ chromospheric
events”

Two bright and parallel
ribbons could be suddenly
observed in the Hα line

The ribbons move apart as
time goes on



Change of perspective !!!!

Bastille Day flare (14 July
2000).

(red: 1600 Å ; green: 171 Å and
blue 195 Å).

ribbons

Magnetic 
inversion line

kernels





Slit-Jaw at 17:46 of lines 1330, 2796, 2832, AIA 171 and AIA 304

A two ribbon flare observed by IRIS and SDO on 7 November 2015



Intensity

microwaves

Time
main

impulsive
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Optical range

WL observations: 
• morphology of the AR in photosphere
• signatures of WL ribbons (down to C2.0, 

Jess et al., 2008) 

Hα observations
• filament activation and rise
• Hα ribbons or kernels
• post-flare Hα loops 
• comparison with models: changes of line 

profiles during flares

Observations at different 𝛌
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Fig. 8 Still from a movie: Hard X-ray footpoints (with error bars) observed with the RHESSI satellite
during the flare SOL2002-11-09. Simultaneous footpoints are connected by a line colored sequentially with
time. The footpoint information is overlaid on a SOHO/EIT image at 195 Å, indicating enhanced density in
the corona. The movie shows two simultaneous footpoints connected by a vertical half-circle. The flux at
each footpoint is indicated by the size of the purple circle at logarithmic scale (see Grigis and Benz 2005a).
Movie courtesy of Paolo Grigis

Fig. 9 Still from a movie: Left
RHESSI flare observations of
soft X-rays (red 8–12 keV) and
hard X-rays (blue 20–50 keV)
overlaid on an Hα background.
Note the high-energy footpoints
moving on the Hα flare ribbons,
which moves apart in the very
late phase. Visualization by
RHESSI scientists

chromospheric evaporation, but where is the energy released? First hints came from a
third hard X-ray source above the soft X-ray loop (Masuda et al. 1994). The coronal
X-ray emission contains a thermal part, dominating at low energies, and a weak non-
thermal part above about 8–10 keV. The non-thermal spectrum of the coronal source is
usually soft (Mariska and McTiernan 1999; Petrosian et al. 2002), consistent with the
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RHESSI soft X-rays (red 8–12 
keV) and HXR (blue 20–50 keV) 
overlaid on a Hα image. 



UV/EUV range

• Configuration of the AR in chromosphere –
transition region - corona

• Plasma evaporation/condensation

• UV/EUV post-flare loops (timing, spatial 
configuration, correlation with WL/Hα
ribbons)

• Hints on the fine structure of erupting 
filaments – flux ropes

• Plasma diagnostics (temperature, density, 
emission measure)

A&mul8awavelength&phenomenon&
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Ultraviolet Extreme UV Extreme UV Hard X-rays 
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Observations at different 𝛌



X-ray range
• Soft X-rays: impulsive brightening (due to

thermal emission) in loops connecting ribbons,
related to chromospheric evaporation.

• Hard X-ray sources – One source is located
above the soft X-ray loops. The others, caused by
bremsstrahlung of colliding electrons, appear at
chromospheric heights, as expected in the thick-
target model (Brown et al., 1983; Kane, 1983)

• Hard X-ray quasi-periodic pulsations (10 s or
minutes) à sausage mode altering B in the loop
and trapped particles precipitation rates.

• Hard X-ray spectrum: non-thermal shape, close
to a power-law. It is used as an input for models
(i.e. Radyn, Flarix)

A&mul8awavelength&phenomenon&

Optical 

Ultraviolet Extreme UV Extreme UV Hard X-rays 

150,000km 

5&

UV / Extreme UV 

Fletcher&&&Hudson&2000&

Flare observations at different 𝛌
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Fig. 7 X-ray spectrum of a flare observed by the RHESSI satellite. The soft part is fitted with a thermal
component (green) having a temperature of 16.7 MK, and the high-energy part with a power law having
two breaks at 12 keV (possibly due to the acceleration process if real) and at 50 keV, of which the origin is
unknown. Image courtesy of Paolo Grigis, for details see Grigis and Benz (2004)

2.2 Geometry of hard X-ray emissions

An electron that hits another particle in a Coulomb collision emits bremsstrahlung.
In fully ionized plasma, this is the physical process also known as free-free radiation
of thermal electrons, produced by free electrons scattering off ions without being
captured. The change in direction and momentum may cause a particle with some
keV energy or greater to emit X-ray photons. Bremsstrahlung (X-ray emissions) of
thermal and non-thermal electron populations are shown in Fig. 7.

The cross-section of a single electron for producing an X-ray photon of a certain
energy can be described by the quantum-mechanical Bethe-Heitler formalism. The
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The soft part is fitted with a thermal
component (green) at 16.7 MK, and the
high-energy part with a power law.

RHESSI
(Grigis
&Benz
2004) 

Benz, Liv. Rev. Sol. Phys., 2017
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Fig. 10 Reconstructed
(CLEAN) image of
SOL2006-07-13T14 in hard
X-rays observed by the RHESSI
satellite. The curved line
indicates the limb of the
photosphere. The displayed
energy range 12–50 keV is
dominated by the low energies,
where the coronal source (right)
prevails. Two footpoints (left)
are clearly visible on the disk.
Image courtesy of Marina
Battaglia, for details see
Battaglia and Benz (2008)

idea of a thin target (Datlowe and Lin 1973). Thus, the accelerated electrons lose only
a small fraction of their energy and continue to propagate towards the chromosphere.
In the chromosphere they meet a thick target, yielding a harder spectrum (Brown 1971;
Hudson 1972). An example showing two footpoints and a coronal source is shown
in Fig. 10. In exceptional cases, only the fastest electrons reach the chromosphere
(Veronig and Brown 2004). The coronal source often appears before the main flare
hard X-ray increase, but is well correlated in time and spectrum with the footpoints
(Emslie et al. 2003). These observations suggest strong coupling between corona and
chromosphere during flares.

The altitude of coronal hard X-ray sources, some 6000–25,000 km, is compatible
with observed time delays of hard X-ray peaks emitted at the footpoints (Aschwan-
den et al. 1995). Low energy photons are emitted later compared to higher energy
photons. Delay-time observations scale with the observed lengths of the soft X-ray
loop (Aschwanden et al. 1996), consistent with the interpretation of longer propaga-
tion times of lower energy electrons. If only time-of-flight effects are assumed, the
propagation path would put the acceleration above the loop-top hard X-ray source.
The assumption of simultaneous injection puts strong constraints on the timescales
involved on the acceleration process (Brown et al. 1998).

The difference in the spectrum of coronal source and footpoints can be taken as a
test for the geometry. Measurements by Petrosian et al. (2002) show that the power-
law indices differ by about 1 on the average, contrary to expectations. A possible
interpretation for a value less than 2 may be a mixture of thick and thin target emissions,
overlapping in the observed resolution element. On the other hand, an analysis based
on RHESSI data demonstrates the existence of index differences larger than 2 in 3
out of 9 events (Battaglia and Benz 2007). This discrepancy requires a more complete
physical scenario than ballistic particle motion and will be discussed in the following
section.
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Flare observations at different 𝛌

• Accelerated particles precipitate spiraling along the magnetic field lines 

• In the range 1 – 100 GHz radio emission results from gyration of mildly 
relativistic electrons in the magnetic field (gyrosynchroton emission)

Radio range

3

Fig. 1 Time ranges associated with the different phases of a
flare. The dominant X-ray signatures are designated by HXR
(hard X-rays, above ∼20 keV) and SXR (soft X-rays, charac-
terized by temperatures below ∼30 MK). The dominant radio
emission mechanisms are designated by RS (gyrosynchrotron),
RF (free-free), and RP (plasma-frequency mechanisms). Gamma
rays typically accompany HXR when detectable (e.g., Cliver et al.
1994; Shih et al. 2009).

ual, and extended flare phases, in Section 2.4. These
phases are distinguishable via their X-ray signatures,
but in fact there is ambiguity and overlap. Recent obser-
vations also point to an early non-thermal phase, prior
to the impulsive phase, that may also have distinguish-
ing characteristics. RHESSI observations of SOL2002-
07-23T00:35 gave a first clear example of this (Lin et al.
2003). Figure 1 illustrates the timing of the four iden-
tified phases schematically

2.2 Flare dynamics

The temporal evolution of a flare also has character-
istic dynamical patterns. The impulsive phase marks
the epoch of most intense energy release, which adds
mass to the corona by expelling it from the chromo-
sphere. The newly “evaporated” material flows upward
into the corona and becomes visible in soft X-rays be-
cause the gas pressure has risen dramatically. In ma-
jor two-ribbon flares multiple X-ray loops appear in
a roughly cylindrical “arcade” formation. The newly
formed high-temperature coronal plasma then gradu-
ally cools through the EUV, UV, and optical ranges,
where it forms the Hα post-flare loops. These were
known historically as “loop prominence systems.”

During the impulsive phase the flare emits hard X-
ray bremsstrahlung and microwave gyrosynchrotron ra-
diation; the non-thermal electrons implied by these ra-
diations appear to receive the bulk of the flare energy
release, but not all of it. The evaporation of chromo-
spheric material into the coronal magnetic loops corre-
sponds to the Neupert (1968) effect, the dominant tem-
poral behavior pattern: the coronal manifestations of a
flare essentially integrate the impulsive-phase energy re-
lease, owing to the relatively slow cooling times of coro-
nal material. The white-light flare continuum, which
together with its UV extension is about two orders

of magnitude more important the flare X-rays (Emslie
et al. 2005; Hudson et al. 2010), also occurs in the im-
pulsive phase, along with the powerful electron acceler-
ation. The microwave emission requires electrons at en-
ergies of 0.1-1 MeV. During the impulsive phase a com-
parable amount of energy also may appear suddenly in
γ-ray-emitting energetic ions (e.g., Ramaty et al. 1995).

Mass motions occur simultaneously with the flare
brightening. The most powerful events have a one-to-
one association with coronal mass ejections (CMEs),
which have the clear appearance of the expansion of
the coronal field and the creation of new “open” field
that can support solar-wind flow. Sometimes the CME
appears to entrain much or all of a pre-existing solar
prominence. A CME is the spectacular ejection of mass
outward past the occulting disk of a coronagraph ob-
serving the corona in Thomson-scattered white light.
One can use the intensity to estimate the mass, often
more than 1015 g, and the radial motion (often more
than 103 km/s) shows that the kinetic energy may ex-
ceed 1032 erg for major events. The departure of coronal
mass also produces the soft X-ray dimming (Rust and
Hildner 1976; Hudson et al. 1996) signature of a flare.

Flares also frequently produce jets of material ap-
parently along the field; X-ray jets (e.g., Shimojo et al.
1996) frequently occur in association with a microflare
brightening in closed fields, even though the jet flow it-
self occurs on large-scale or even open fields. Flare mass
motions thus include both flows perpendicular to the
field, identifiable with CMEs, and flows parallel to it:
sprays and surges at chromospheric wavelengths, and
jets at X-ray and EUV wavelengths. The CMEs oc-
cur preferentially in the most energetic events; Yashiro
et al. (2006) find that virtually all X-class flares have
accompanying CMEs. The energy threshold for near
one-to-one correspondence appears to be at about the
GOES X2 level, some multiple of 1032 erg total energy.
Jets can happen in tiny events, even at the network
level; they accompany microflares but can also occur in
the quiet Sun, for example in the polar regions (e.g.,
Shimojo et al. 1996).

The close association of perpendicular plasma flows
in flares is not surprising, since the field must restruc-
ture itself globally to release energy in the form of an
implosion (Hudson 2000). What is surprising is that
such flows are hard to detect except in the most ener-
getic events, which have CME associations; even more
surprising is that the CME eruption appears to add

energy to the global field by creating a large-scale cur-
rent sheet (Section 4). Recent observations have pro-
vided some evidence for implosive motions leading dur-
ing or just prior to the impulsive phase of a flare (e.g.,
Sui et al. 2004; Veronig et al. 2006) This is consistent

HXR (above ∼20 keV), SXR (T <
∼30 MK).

Radio emission is designated by RS
(gyrosynchrotron), RF (free-free),
RP (plasma-frequency mechanisms)

Time ranges associated with the different
phases of a flare.

Hudson, 2010



Flare observations at different 𝛌
𝜸 range

o γ-ray lines (0.8 - 20 MeV) emitted by
atomic nuclei excited by impinging
ions.

o Not all flares show gamma-ray lines
(Vilmer et al. 2011).

o Most of the emission is confined to
compact sources (Hurford et al.,
2006).

o The footpoints of the 2.223 MeV
line— indicating ion precipitation—
and the footpoints of the non-thermal
continuum emission—produced by
precipitating electrons—do not always
coincide.
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Fig. 22 RHESSI gamma-ray spectrum from 0.3 to 10 MeV integrated over the duration of the flare
SOL2002-07-23. The lines show the different components of the model used to fit the spectrum. Image
reproduced by permission from Lin et al. (2003), copyright by AAS

Fig. 23 Location of the gamma-ray sources of the flare SOL2003-10-23 observed by the RHESSI satel-
lite. The contours at 50, 70, and 90% of the peak value show in blue the deuterium recombination
line at 2.223 MeV and red the electron bremsstrahlung at 200–300 keV. The centroid positions of the
bremsstrahlung emission at different times are indicated by plus signs. The FWHM angular resolution is
35′′, given at bottom left. The RHESSI data are overlaid on the negative of a TRACE 195 Å image dominated
by the emission of Fexii. Image reproduced by permission from Hurford et al. (2006), copyright by AAS
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Gamma-ray sources observed by RHESSI. In
blue the deuterium recombination line at 2.223
MeV and in red the electron bremsstrahlung at
200–300 keV (Hurford et al., 2006).

TRACE 195 Å - negative 



Flares:
Main Questions

The main question of flare
physics is to understand:

How the energy, previously
stored in a stressed coronal
magnetic field à

Ø is released so rapidly,

Ø transported through the
solar atmosphere,

Ø converted into the kinetic
energy of the non-thermal
particles and into the
flare’s radiation output.

Standard#model#framework##

coronal#
flare#loops#

Energy#
flux#

Chromospheric#footpoint#UV/opOcal#
emission,#fast#electrons/ions#

PostQreconnecOon,#
field#Q#shrinking#and#
relaxing#

ReconnecOon#

3#

• #Where#&#how#is#flare#energy#
accumulated#and#stored?#
• #Why#&#how#is#it#released?#
• #How#is#it#transported?##
• #Where#and#how#is#it#converted#to#
heat#&#parOcle#KE?#
• #How#does#the#atmosphere#
respond?#Energy#

flux#

evaporaOon#

Coronal#
emission#HXR,#
SXR,#EUV,#
radio#

Fletcher, 2014

HXR height ~ 6 – 25 Mm



What is needed to produce 
an eruptive event

(assuming you got the right star)

Magnetic field

Stressed magnetic field (currents) - Magnetic energy storage

Trigger: Magnetic reconnection - Threshold - Instability

Energy conversion

Particle acceleration - e.m. emission - bulk plasma motions

Coronal mass ejection



Magnetic energy storage

Potential 
(current-free)
magnetic field

Force-free 
magnetic field

o Emergence of magnetic bundles (and frozen-in condition)
o Horizontal motions of the photospheric plasma at loop 

footpoints (~106 W m-2)

v Free magnetic energy: difference
between the NLFF and a current-
free field

v Some observations show that the free
magnetic energy is stored only a few
Mm above the photosphere

v The buildup of energy on its own
does not guarantee the occurrence of
an eruptive event (i.e., of a sudden
energy release).

STORAGE

DISSIPATION

o l ~ 100 – 1000 km
o t ~ 1 s to 10 min
o h ~ 20 Mm (from FF 

models of ARs) 
o Not all the free 

energy is released

Current sheets
(magnetic field and plasma are 

locally decoupled) à
reconnection

MAGNETIC 

HELICITY 

INCREASE

Electric currents
flowing parallel
to magnetic field
lines in corona

For a rapid release, the
currents must be
concentrated into small
regions (Priest and
Forbes, 2000)



What triggers the eruption ?
v Magnetic reconnection

v Exceeding of a threshold
(magnetic gradient, shear angle,
height of the flux rope,
accumulated magnetic helicity,
… magnetic field complexity - δ-
spots)

v New emergence of magnetic flux
within an already stressed
magnetic field configuration

v Magnetic field cancellation

v Instabilities due to nearby
eruptions



Shear angle
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Fig. 6 Map of the line-of-sight magnetic field strength measured in a photospheric line by the MSFC
magnetograph. Solid curves denote positive field, dashed curves the negative field, and the dotted curve the
neutral line. Circles indicate where the transverse field deviates between 70◦ and 80◦ from the potential
field (perpendicular to the neutral line), and filled squares indicate deviations >80◦. A large flare (X3 class)
occurred several hours later at the location of the largest shear. Image reproduced with permission from
Hagyard et al. (1990), copyright by AAS

all of the 15 X-class flares studied by Sudol and Harvey (2005) there was an abrupt,
significant, and persistent change in the photospheric magnetic field. A frequent flare
site is the separatrix between different magnetic loop systems (Démoulin et al. 1997)
forming a current sheet, or in a cusp-shaped coronal structure (Longcope 2005). There
is also evidence for flares being related to helical magnetic fields (Low 1996; Pevtsov
et al. 1996).

Photospheric observations clearly support the scenario that flare energy originates
from free magnetic energy in excess of the potential value (defined by the photospheric
boundary) or, equivalently, from electric currents in the corona. For a rapid release, the
currents must be concentrated into small regions (e.g., Priest and Forbes 2000). Such
currents may be inferred observationally in regions with a tangential discontinuity of
the magnetic field direction in the system of rising loops near the base of the corona
(Solanki et al. 2003; Musset et al. 2015).

The flare energy resides in the magnetic field that originated in the interior and is
convected to the surface. Not much can be observed of the flare processes until the
energy appears in the form of accelerated particles and extremely hot plasma. In the
next section we switch from the origin and build-up to the first observable signature
after the primary energy release.
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Circles : the transverse field deviates
between 70◦ and 80◦ from the potential
field (perpendicular to the neutral line).

Filled squares : deviations >80◦.

A large flare (X3 class) occurred several
hours later at the location of the largest
shear.

Hagyard et al. (1990)
Solid: positive field
Dashed: negative field
Dotted: neutral line.

Magnetic field map
(MSFC magnetograph). 



Kink instability

A flux tube twisted beyond a certain
critical limit becomes unstable and
kinks.

For a twist between 2.5𝜋 and 2.75𝜋
the system undergoes a rapid
expansion - no stable equilibria
exist anymore (Török & Kliem,
2003).



Torus instability

ü When a flux rope reaches the altitude where the decay index for the
magnetic field is ~ 3/2 (via photospheric flux-cancellation and tether-
cutting coronal reconnection), it undergoes a rapid upward acceleration
(Aulanier et al., 2010).

The Astrophysical Journal, 795:175 (3pp), 2014 November 10 Erratum: 2014, ApJ, 785, 88

Figure 8. (a) HMI magnetogram of the active region taken on 2011 August 4 at 03:48 UT. The two lines indicate the projections on the magnetogram of the two
planes used to display the decay index. The white cubes indicate the reconstructed position of the filament on August 3 at 08:35 UT, while the black cubes highlight
the reconstructed position of the filament on August 4 at 03:36 UT. (b) Plot of the decay index for the potential field extrapolation relative to the HMI magnetogram
taken on August 3 at 06:00 UT. The decay index is plotted along the plane passing through line II of figure (a), that is, along part of the axis of the reconstructed
filament (white cubes). (c–d) Plot of the decay index for the potential field extrapolation relative to the HMI magnetogram from August 4 at 03:48 UT and along the
planes passing through lines I and II of figure (a). The white and black cubes highlight the three-dimensional position of the filament on August 3 at 21:36 UT and on
August 4 at 03:36 UT, respectively.
(A color version of this figure is available in the online journal.)

be tracked using the YAFTA algorithm and (2) a factor of two underestimation in the conversion from pixel size to physical units.
Although these oversights do not influence the analysis or the overall conclusion of the paper, they do affect some of the figures and
the value of the decay index for any given height. We regret that these errors were not discovered before publication and here we
describe the resultant changes and provide updated figures where necessary.

In our published paper, we used a sequence of co-aligned Helioseismic and Magnetic Imager (HMI) magnetograms to compute the
evolution of the magnetic flux. As a consequence of the underestimation of the pixel size, the magnetic flux was underestimated by a
factor of four. Furthermore, the protocol used to identify regions of magnetic flux to be tracked by YAFTA originally only considered
those regions that were tangent to the polarity inversion line at step zero, but regions that emerged at the polarity inversion line
should also have been included. This led to the omission of one small area of flux from the analysis. Although this omission results
in a change in the fine structure of the plot of Region A, the overall trend is unaffected. Figure 5 of this erratum updates that of our
published paper.

In our paper, we used the DAVE algorithm to derive the velocity maps for AR 11261. As a consequence of the underestimation of
the conversion factor, the FWHM of the resolving window was 10 arcsec and not 5 arcsec as originally stated in our published paper
and the velocity flows were underestimated by a factor two. Therefore, in Figure 6, the arrow scale is not 0.3 km s−1, but 0.6 km s−1.

The error in the conversion factor also affected Figures 8 and 9. Updated versions of these figures are included in this erratum. In
particular, Figure 8 shows the computed decay index along the two selected planes for the magnetic field extrapolations performed
using the magnetograms obtained on August 3 at 06:00 UT and on August 4 at 03:48 UT. Figure 8(b) shows that before the M6 flare,
the filament is located in a region that is stable with respect to the torus instability. However, after the M6 flare (Figures 8(c) and (d)),
the filament approaches the region where the decay index is about 1–1.1. This is the main difference from the result presented in our
published paper, where the yellow-green region indicated a value of the decay index of about 1.3–1.5.

We would like to note that this result does not affect the overall conclusion of our published paper. In fact, the critical decay index
for straight flux ropes is unity in the classical treatments of van Tend & Kuperus (1978) and Molodenskii & Filippov (1987). However,
the more recent treatment by Démoulin & Aulanier (2010) yields a small positive correction, so that a value above unity should be
expected. These authors showed that a plausible range for the critical value of the decay index for expanding solar flux ropes is about
1.1–1.3. We now find that at the moment of the eruption the filament was located at a height where the decay index is n ! 1, that
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Figure 9. HMI magnetogram of the active region taken on 2011 August 4 at 03:48 UT together with the reconstructed position of the filament on August 4 at 03:36 UT.
The reconstructed filament is color-coded with the decay index computed from the potential field extrapolation. North is at the top and west to the right.
(A color version of this figure is available in the online journal.)

is, very close to the lower limit of the instability interval proposed by Démoulin & Aulanier (2010), especially if we notice that the
axis of the assumed flux rope can actually lie above the top of the visible filament and hence the inferred values of the critical decay
index are lower limits of the actual critical decay index. The updated result also appears to be consistent with the geometry of the
filament. In fact, as shown in Figure 8, the filament does not seem to have a toroidal shape such that the separation of the foot points
is more than two times the height of the filament. For such non-toroidal flux ropes, the critical index would be close to the lower limit
identified by Démoulin & Aulanier (2010), since this limit corresponds to straight line currents instead of toroidal line currents.

In conclusion, the value of the decay index near the filament at the moment of the eruption has changed and is now n ! 1. This is
consistent with the critical value of the onset of the instability for flux ropes with nearly translational invariant geometry.
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An X17.2 flare caused by a domino effect

The peak of the 
X17.2 flare was
registered by 
GOES ~ 2 hr
later than the 
first filament 

eruption



Null points and hard X-ray sources

Magnetic field lines and null points overplotted on the MDI magnetogram:
the null point 1 is located in the proximity of a negative intrusion, while the
null point 2 is located on the eastern side of filament C.
The images show also the hard X-ray sources at 07:55:42 UT (blue),
08:16:30 UT (green), and 11:22:08 UT (red-brown).
Null points or QSL are sites where magnetic reconnection is triggered.

1

2



1) Multipolar magnetic field
configuration.
2) Activation and/or eruption of three
filaments.
3) Brightenings during the preflare and
impulsive phases in sites corresponding
to separatrix surfaces;
4) Post-flare loops observed almost
simultaneously in distant arcades.

Interpretation: successive destabilizations of the magnetic field
configuration, by a domino effect: filament A eruption→ lift-off of the
inner (magenta) arcade → reconnection at null points located in the
lower atmosphere→ decrease of tension in the higher (green) arcade →
destabilization of filaments B and C → X17.2 flare.

A

B
C

Zuccarello et al. A&A, 2009



How eruptions affect the chromosphere:
Chromospheric evaporation

§ When energetic electrons and ions
precipitate from the coronal
acceleration site and impact on the
dense chromosphere loosing their
energy via Coulomb collisions, the
plasma responds dynamically

§ The temperature in the chromosphere
increases and the resulting pressure
exceeds the ambient chromospheric
pressure.

§ If the overpressure builds up
sufficiently fast, the heated plasma
expands explosively along the
magnetic field in both directions

chromosphere

Soft X-ray emission

1
8

°

1
8
°

~ 300 – 400 km/s

Gentle evaporation: v ~ 65 km/s, 
probably driven by a non-thermal
electron flux < 3 x 1010 erg cm-2 s-1



Chromospheric evaporation28 L. Fletcher et al.

Fig. 4 Left: a beautiful flare arcade (SOL2001-04-10T05:26, X2.3) seen here in the 171 Å channel of
TRACE, revealing plasma at ∼1 MK emitting in lines of Fe IX/X. Right: a large post-flare cusp structure
observed several hours after the impulsive peak of SOL1999-03-18T08:31 (M3.3) by Yohkoh/SXT and re-
ported by Yokoyama et al. (2001). The temperature in this structure is 3–4 MK

either side of the magnetic polarity inversion line, as illustrated in Fig. 3. Early in the impul-
sive phase they tend to be concentrated around this line, and move with respect to it as the
flare evolves. In the later phase of a flare, when strong Hα and UV ribbons are visible, the
ribbons tend to move outward from the polarity inversion line, but in the impulsive phase,
both ribbon and HXR footpoint motion is more complex, sometimes showing parallel or
approaching motions. This is discussed in more detail in Sect. 3.4.

The importance of flare ribbons and footpoints in marking regions of changing magnetic
connectivity is now well established (e.g., Mandrini et al. 1991). The large-scale reconnec-
tion model in two dimensions (e.g., Kopp and Pneuman 1976) was originally developed to
explain the spreading Hα ribbons and the Hα arcade that appears in the gradual phase of
a flare. The outer edges of the ribbons show the chromospheric projection of the interface
(magnetic separatrix surface) between the post-reconnection (“post-flare”) arcade fields, and
the field that is yet to be reconnected. The importance to flare energy release of the three-
dimensional connectivity of the solar magnetic field around sunspots was known early on
(Giovanelli 1948; Sweet 1969; Syrovatskii 1981) and early observational associations were
made between topological structures and observable chromospheric Hα features by, e.g.,
Gorbachev and Somov (1989), Mandrini et al. (1991), and Démoulin et al. (1992). Inter-
preting the chromospheric features within this framework, it becomes possible to establish
some of the global properties of the magnetic field and its evolution, such as the differ-
ent magnetic domains, the amount and rate of magnetic flux transfer during flare events,
and also—under the assumption of two-dimensional translational symmetry—the convec-
tive electric field (v × B) of the magnetic reconnection.

1.6 The Gradual Phase

During the gradual phase, identified by its slowly decaying SXR and microwave signatures,
the effects of the flare on the corona become apparent. Loops and loop arcades emitting in
SXRs and EUV form and appear to grow (Fig. 4), filled (it is usually assumed) by chro-
mospheric plasma forced to expand into the corona as the chromosphere is rapidly heated
by particle energy deposition or thermal conduction. This expansion is known as chromo-
spheric evaporation (see Sect. 3.7). The gas pressure of these flaring coronal loops can

§ SXR and EUV post-flare loops
form and grow, filled by
chromospheric plasma

§ The SXR plasma is not heated by
the primary flare energy release,
but is a secondary product when
flare energy is transported to the
chromosphere.

§ Different scenario proposed by
Fletcher & Hudson (2008): energy
transported by Alfvén waves.

Later on, the arcade becomes
visible in lower temperature
emissions, including Hα
(Schmieder et al. 1995) .

Cooling occurs by both 1)
conduction and 2) radiation.

The cool loop plasma drains under
gravity, and Hα downflows
(“coronal rain”) become visible
along the legs of the arcade.

Fletcher et al., Space Sci. Rev. 2011

Post-flare loops can reach T ~ 20 MK



which were excited in sequence and observed as the flare ribbon moved down the spec-
trometer slit.  

 

Figure 6: IRIS flow velocity as a function of time after first detection of flow for both  ~20MK (LH) and 
cool (RH chromospheric plasmas). From Graham & Cauzzi (2015). 
 

The velocity profile as a function of time in each pixel was obtained (Figure 6) and perhaps 
the most surprising aspect of the observation is that if the velocity profiles as a function of 
time are stacked in time, with the base being the time corresponding to the first point at 
which the enhanced Fe XXI signature becomes detectable, the majority of the velocity pro-
files overlay one another very closely. This suggests two main things: that the evolution of 
the evaporative flow is rather insensitive to the details of the atmosphere and to the strength 
of the energy input – within factors of a few at least. This might be consistent with a picture 
where the Fe XXI signature arises from heating only of the rather tenous upper part of the 
pre-flare chromosphere, and expands into a much lower density, overlying corona. Upflows 
of over 100km/s are present for around 5-10 minutes though the input of energy is much 
shorter-lived. Numerical simulations of beam energy input tend to show flow velocities reduc-
ing to below 50km/s within a 60 seconds of the beam switching off (Kerr 2017), so the ob-
served behaviour may imply continuing low-level energy input.  

3.3.3 Line shapes and asymmetries in cool lines 
Line shapes and asymmetries in lines formed at low temperatures have turned out to be ex-
tremely interesting for understanding the dynamics of the low atmosphere. Different wave-
lengths in the spectral lines are formed in different regions, with the line core generally 
formed high up in the chromosphere (being more optically thick, the escaping photons come 
from higher levels), and the wings from low down. Work on Hα, (Kuridze et al. 2015), Na I 
(Kuridze et al. 2016) and Mg II h & k (Kerr et al. 2015, Liu et al. 2015) show a variety of line 
profiles, which evolve during the first few seconds of a flare from being (briefly) centrally re-
versed to being non-reversed, and then back to centrally reversed again. The variety and 
evolution of these line profiles have prompted a concerted modelling effort, described in Sec-
tion Error! Reference source not found.. A non-reversed emission line profile in these lines 
may indicate that the source function in the line core is strongly coupled to the Planck func-
tion due to a high density at the line formation height. The reversed profiles indicate decou-
pling of Planck and source functions, and also can have emission and absorption contribu-
tions from moving components, both optically thin and optically thick, overlying the optically 
thick part of the spectral line. Observed line shifts and asymmetries have tended to be inter-
preted in terms of flows at different atmospheric levels in a rather simplistic way, e.g. the ‘bi-
sector’ method, in which the flow speed is inferred from the location of the line bisector at 

(4) The Fe XXI spectra are extremely broadened compared to
the ionʼs thermal FWHM of 92 km s−1 (see Figure 2). Polito
et al. (2015) find similar excess broadening and discuss its
potential origins, including a plasma temperature beyond the
equilibrium formation temperature and unresolved plasma
motions, the latter seeming probable when considering the
initial rapid change in velocity (Figure 5) for individual pixels.

(5) Figure 5 represents the clearest picture to date of the
temporal evolution of both chromospheric evaporation and
condensation. The evolution of plasma dynamics is so
strikingly similar for most of the pixels it suggests that the
characteristics of the energy release are either remarkably
uniform, each time occurring in a pristine environment, or have
little influence over the subsequent plasma evolution.

We conclude by remarking that the large number of
independent flaring pixels observed and the complete temporal
coverage of their dynamical evolution at high cadence allow us to
derive common characteristics of what we can define as
“prototypical” flares, with a spatial extension limited by the
actual resolution of our data, i.e., ⩽0″. 5. In principle, our results
can be immediately compared with the output of numerical
simulations of single flaring loops. For example, with respect to
the third point above, one could attempt to derive values of the
actual coronal emission during the early phases of flare chromo-
spheric heating, as predicted within either collisional thick-target
(Allred et al. 2005) or conductive (Longcope 2014) models.

This research has received funding from the European
Communityʼs Seventh Framework Programme (FP7/2007-
2013) under grant agreement No. 606862 (F-CHROMA). IRIS
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nications funded by the Norwegian Space Center (NSC,
Norway) through an ESA PRODEX contract. We thank L.
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helpful comments and discussion.

REFERENCES

Allred, J. C., Hawley, S. L., Abbett, W. P., & Carlsson, M. 2005, ApJ, 630, 573
Antonucci, E., Gabriel, A. H., Acton, L. W., et al. 1982, SoPh, 78, 107
Brosius, J. W. 2013, ApJ, 762, 133
Canfield, R. C., Penn, M. J., Wulser, J.-P., & Kiplinger, A. L. 1990, ApJ,

363, 318
Cauzzi, G., Falchi, A., Falciani, R., & Smaldone, L. A. 1996, A&A, 306,

625
Cheng, C.-C. 1990, ApJ, 349, 362
Culhane, J. L., Harra, L. K., James, A. M., et al. 2007, SoPh, 243, 19
De Pontieu, B., Title, A. M., Lemen, J. R., et al. 2014, SoPh, 289, 2733
Ding, M. D., Fang, C., & Huang, Y. R. 1995, SoPh, 158, 81
Doschek, G. A., & Warren, H. P. 2005, ApJ, 629, 1150
Falchi, A., Qiu, J., & Cauzzi, G. 1997, A&A, 328, 371
Fisher, G. H. 1987, ApJ, 317, 502
Fisher, G. H. 1989, ApJ, 346, 1019
Graham, D. R., Fletcher, L., & Hannah, I. G. 2011, A&A, 532, A27
Harrison, R. A., Sawyer, E. C., Carter, M. K., et al. 1995, SoPh, 162, 233
Hori, K., Yokoyama, T., Kosugi, T., & Shibata, K. 1997, ApJ, 489, 426
Hudson, H. S., Woods, T. N., Chamberlin, P. C., et al. 2011, SoPh, 273, 69
Ichimoto, K., & Kurokawa, H. 1984, SoPh, 93, 105
Leenaarts, J., Pereira, T. M. D., Carlsson, M., Uitenbroek, H., & De Pontieu, B.

2013, ApJ, 772, 90
Li, P., Emslie, A. G., & Mariska, J. T. 1989, ApJ, 341, 1075
Li, T., & Zhang, J. 2015, ApJL, 804, L8
Longcope, D. W. 2014, ApJ, 795, 10
Mariska, J. T., Emslie, A. G., & Li, P. 1989, ApJ, 341, 1067
Mason, H. E., Shine, R. A., Gurman, J. B., & Harrison, R. A. 1986, ApJ,

309, 435
Meegan, C., Lichti, G., Bhat, P. N., et al. 2009, ApJ, 702, 791
Milligan, R. O. 2015, arXiv:1501.04829v2
Milligan, R. O., & Dennis, B. R. 2009, ApJ, 699, 968
Milligan, R. O., Gallagher, P. T., Mathioudakis, M., et al. 2006, ApJL,

638, L117
Pereira, T. M. D., Carlsson, M., De Pontieu, B., & Hansteen, V. 2015, ApJ,

806, 14
Polito, V., Reeves, K. K., Del Zanna, G., Golub, L., & Mason, H. E. 2015,

ApJ, 803, 84
Sadykov, V. M., Vargas Dominguez, S., Kosovichev, A. G., et al. 2014, ApJ,

805, 167
Simões, P. J. A., Graham, D. R., & Fletcher, L. 2015, SoPh, in press
Tian, H., Li, G., Reeves, K. K., et al. 2014, ApJL, 797, L14
Tian, H., Young, P. R., Reeves, K. K., et al. 2015, arXiv:1505.02736
Young, P. R., Tian, H., & Jaeggli, S. 2015, ApJ, 799, 218

Figure 5. Superposed epoch analysis of Fe XXI and Mg II flows for every slit pixel in Figure 3 (negative velocities showing rising material). The grayscale darkens
with increasing occurrence within a given velocity interval (see the text for full detail).
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IRIS flow velocity as a function of
time after first detection of flow for
both ~20MK (LH) and cool (RH)
chromospheric plasma.
Each footpoint shows the same
initial upflow of 300 km/s and
chromospheric downflow of 40 km/s.
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Figure 1. IRIS 1400Å slit-jaw images (SJI) showing the evolution of the flaring region. The full field-of-view is seen in the larger left
panel, and the four smaller panels display the ribbon evolution in the central area (white box) during the impulsive phase. Note that the
1400Å SJI images saturate at times but the spectra analysed remain below this level.

8 s to 2.4 s at 17:27 UT; the cadence was kept a constant
9.4 s for both channels, one of the highest ever for such
a study.
The left-hand panel of Figure 1 represents the full IRIS

1400Å slit-jaw image at 17:22 UT, showing the early de-
velopment of the ribbons. The vertical black line indi-
cates the spectrograph slit. The four smaller panels on
the right show the central region for different times dur-
ing the impulsive phase. Comparing with the horizontal
dashed line at y = 122′′ demonstrates how the ribbon
developed southwards along a portion of the slit, and
the successive brightening of individual footpoint kernels
over previously undisturbed regions.

2.1. Fe XXI analysis

A single high temperature line, Fe xxi 1354.1 Å formed
at ∼10 MK, is found in the IRIS spectral windows (see
Young et al. 2015). We prepared the data using the So-
larsoft IRIS GETWINDATA procedure which returns
the spectrum in photon counts with uncertainties. A
spatial binning of ±1 pixels along the slit direction was
used to improve the signal to noise ratio; the Fe xxi
data shown hence have a spatial scale of 0.33′′(slit width)
× 0.5′′.
The UV Fe xxi emissivity is generally low, yet the

1354.1Å line has been clearly observed during flares in
earlier observations (Mason et al. 1986; Cheng 1990). In
our X-class event we detect emission during the entire
flare evolution, but the concomitant presence of flare-
enhanced lines from cooler ions, including Si ii, Fe ii,
C i requires special care in order to extract the Fe xxi
signal. We make Gaussian fits to the strong lines present
in the 1352.4 – 1355.9 Å spectral window (labeled in

Fig. 2), allowing for the presence of a second, red-shifted
component of the cooler lines when necessary. The fit was
further constrained by locking the centroids and widths
of the Si ii and Fe ii lines to the same species present in
the adjacent 1347.8 - 1350.9 Å spectral window.
In Figure 2 the fit to the Fe xxi line is shown for slit

position y = 122′′ and the 4 time steps of the right-hand
panels of Figure 1. In the earliest frame the Fe xxi line
is shifted almost to the blue edge of the spectral window,
with an up-flow velocity of 280 km s−1; its deceleration
is easily tracked in time moving towards the rest wave-
length at 1354.1Å.
A similar fit was performed over all of the flaring slit

pixels. In most of them, the earliest instance of the line is
extremely broad and of comparable intensity to the back-
ground chromospheric lines; to avoid mis-identification,
we have tracked the Fe xxi enhancement back in time
by examining the series of spectra by eye, determining
when the flow speed stops increasing, or the line is oth-
erwise undetectable. Fits prior to this cut-off are not
included in the analysis. Nowhere do we find evidence
for a separate ‘stationary component’ of the Fe xxi line:
the chromospheric lines are well identified and there is no
significant residual between the fit and data to suggest
that one exists.

2.2. Mg II analysis

The Mg ii resonance h&k lines, as well as their subordi-
nate triplet, are among the best chromospheric diagnos-
tics within the IRIS spectral range, even for flaring condi-
tions (Leenaarts et al. 2013; Pereira et al. 2015). As the
h&k lines saturated in several of the brightest flaring pix-
els within our flare, we identified the subordinate 2791.6

SOL20140910 (IRIS, SDO)
• X1.6 flare in NOAA 

12158
• One ribbon moves down 

spectrometer slit (Fe 
XXI – 10 MK)

• Velocity profiles obtained 
at 80 pixels along the 
IRIS slit

Chromospheric evaporation / condensation 
in flaring loops

Graham & Cauzzi, 2015



How eruptions affect the photosphere: 
WL flares

v WL flare emission correlate in time with hard
X-rays (Matthews et al. 2003; Metcalf et al.
2003; Hudson et al. 2006).

v It also coincides in space within less than an
arcsecond (Krucker et al. 2011).

v The source region of the WL emission is in the
low chromosphere (Krucker et al. 2011;
Martìnez Oliveros et al. 2012).
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Fig. 25 Still from a movie: A
white-light flare near the solar
limb. The RHESSI hard X-ray
(30–50 keV, blue) contours are
overlaid on a white-light
difference (background and red)
image observed by HMI/SDO.
Note spatial coincidence of hard
X-ray and white-light
brightenings. Image courtesy of
Säm Krucker, for details see
Martínez Oliveros et al. (2012)

white light is in the low chromosphere. Jess et al. (2008) point out that white light
flares are not different from others, and that possibly all flares may be observed in
white light with sufficient sensitivity.

Not included in the total irradiance is the energy that leaves the corona in coronal
mass ejections. Emslie et al. (2012) report on 38 large eruptive flares. The kinetic
energy of the CME exceeds the non-thermal electrons’ energy of the associated flare
by about an order of magnitude. However, taking into account the flare energy radiated
at wavelengths other than X-rays, in particular in white light, brings the flare energy
up to nearly the CME energy within a factor of a few (Table 1).

4.1 Non-thermal electron energy

Particles accelerated to a non-themal energy distribution are a primary form of flare
energy. The energy, Ekin, of these electrons is

Ekin =
∫ εmax

εmin

F(ε)ε dε, (3)

123

WL flare near the solar limb. 
RHESSI HXR (30–50 keV, 

blue) contours are overlaid on a 
WL difference image 
(HMI/SDO). 



Observing Campaign “Searching for signatures of WL flares”

C II 1330 Å 30000 K  Mg II k 2796 Å 10000 K  Mg II k wing 2832 Å 6000 
K 

Zoomed IRIS 2832 Å slit-jaw image, showing the approximate
location of the slits and three pixels analyzed in the following.
The red arrow indicates a brightening.

Continuum enhancements, evolution of line profiles and magnetic field during flares 7

Figure 6. Zoomed maps showing the details of �-spot A,

characterized by the presence of sheared penumbral filaments

within the two opposite magnetic polarities. The sub-FOV

is indicated with a dashed-line box in Figure 4. The blue,

orange, and green circles indicate the slit positions used to

determine the line profiles shown in Figures 7 and 8. The

arrow indicates the brightening.

patch becomes stronger in intensity, growing in size and
slightly moving. At 16:59 UT, the loop system is defi-
nitely broken apart and the two ribbons clearly appear.
The evolution of the onset of the flare can be also seen
in the online movie for the Hinode/SOT Ca II H images
relevant to Figure 4.

3.1.2. Enhancements in the continuum and in lines

At around 16:56 UT, that is, at the beginning of the
rise phase of the X1.6 flare, the IRIS SJI image in the
Mg II wing at 2832 Å shows an intensity enhancement
in the site at X=(-59500, -59000), Y=(23000, 23500) in Fig-
ure 4 (third panel). This intensity enhancement has the
shape of a small arch that moves toward the south-east
direction, encountering therefore the place monitored by
the IRIS slit (see also Figure 6, bottom panel). Unfor-

tunately, the IRIS satellite after this time changed its
target, so we do not have a complete coverage of the
phenomena occurring during this flare. Nevertheless, it
has been possible to study the intensity enhancement
and the plasma motions at the time when the slit was
on the flare ribbon.
At around 17:22 UT, i.e., a few minutes before the

peak of the X1.6 flare, WL ribbons were detected close
to the southern � spot B in both the G band and the
4170 Å continuum images acquired with ROSA (FOV2)
(see also the online movie for Figure 3). In particular,
the southernmost ribbon is clearly visible in the images
obtained in these wavelength ranges, while the north-
ern ribbon can be distinguished only using the di↵erence
imaging (see, e.g., Figure 3, bottom-left panel). The rib-
bons separate with a velocity of⇡ 10 km s�1. In Figure 3
(bottom-right panel) we plot the lightcurve obtained us-
ing the G-band sequence. It has been calculated at the
location of the flare ribbons, in the upper half of zoomed
FOV2 where the flare ribbons are located. It clearly il-
lustrates that an intensity enhancement is found almost
simultaneously with the flare peak.
In Figure 7 we display the radiometric calibrated in-

tensities in five IRIS spectral windows expressed in
physical units (erg cm�1 s�1 sr�1 per pixel), which
have been obtained from the sub-FOV with the
iris calib spec routine. Profiles shown in blue refer to
the average intensity in the pixel at slit position (3,538)
with its adjacent pixels (3,537) and (3,539), relevant to
raster 79. The approximate position of these pixels is
shown in Figure 6, with a blue circle; the other circles
(orange and green) shown in the same Figure 6 refer to
the other pixels studied in this work. The position indi-
cated by the blue circle corresponds to [-596.003, 232.008] at
16:56:47 UT, at the beginning of the X1.6 flare. Anal-
ogously, profiles shown in orange refer to the average
intensity in the pixel at slit position (3,544) with its
adjacent pixels (3,543) and (3,545) for the same raster.
This position corresponds to [-596.003, 233.008]. Finally,
profiles shown in green refer to the average intensity in
the pixel at slit position (3,559), with its adjacent pixels
(3,558) and (3,560) for the same raster, the position
corresponding to [-596.003, 236.003] solar coordinates. For
comparison, in the same plot the average intensity cal-
culated at the same time along the slit at 20 consecutive
pixel positions (from 160 to 179), in a quiet-Sun region,
is shown with a black solid line.
It is evident that in all the channels there is an in-

tensity enhancement also in the continuum region, with
the exception being the 2832 Å spectral window. Nev-
ertheless, also in the latter we see emission in the flaring
pixel at (3,559) corresponding to absorption features in
the quiet Sun.
Interestingly, the blue pixel exhibits a very prominent

bump in the blue wing of the Si IV 1402 Å line, as well
as in the blue wings of the C II 1334 and 1336, and
Mg II h and k lines. It is worth highlighting that this

X1.6 flare



§ Blue line: average intensity in five of the IRIS spectral ranges in the pixels at raster position (3,[537:539]) at 16:56:47 UT
§ Orange line: same as blue line, for raster position (3,[543:545])
§ Green line: same as blue line, for raster position (3,[558:560])
§ Black line: average intensity calculated at the same time along 20 consecutive slit positions (from 160 to 179),

corresponding to a quiet-Sun region.

Note that the blue curve exhibits a very prominent bump in the blue wing of the Si IV @
1402.8 Å line, and in the blue wings of the C II @1334 and 1336 Å, and Mg II h and k lines.

Continuum enhancements in FUV and NUV @ the rise phase of the X1.6 flare

FUV

NUV



Continuum emission enhancements in flares observed by ROSA and IRIS 7

Figure 6. Line profiles for three di↵erent pixel positions of the IRIS slit for C II 1335.75 Å (top raw), Si IV 1402.8 Å (middle

raw) and Mg II k 2796.31 Å (bottom raw). In each raw the line profiles for successive times are overplotted on the relevant

spectrograms. The dashed vertical lines indicate the position of the line center, while the orange, green and light blue circles

show the slit position relevant to the profiles indicated with the same colors.

Figure 7. ROSA G-band di↵erence image showing part of

FOV2, at a time close to the peak of the X1.6 flare. The

dark red arrows indicate the location of the WL ribbons.

the horizontal field component, which increases in the
areas with penumbral enhancement (up to 1000 G) and,

Figure 8. Map of the G-band intensity taken by Hin-

ode/SOT at the beginning of the X1.6 flare. The box frames

the subFOV used in Figure 9, relevant to the A sunspot.

conversely, decreases in areas where penumbrae decay.
This behaviour is reflected in the variations of the total
magnetic field strength as well. The changes in the ver-
tical field component are smoother, except for a small

Line profiles for three different
pixel positions of the IRIS slit
for C II 1335.75 Å (top raw),
Si IV 1402.8 Å (middle raw)
and Mg II k 2796.31 Å (bottom
raw).

In each raw the line profiles for
successive times are overplotted
on the relevant spectrograms. The
dashed vertical lines indicate the
position of the line center
(laboratory rest wavelengths),
while the colored circles show the
slit position relevant to the profiles
indicated with the same colors.

q For selected *me intervals and slit posi*ons, the line profiles of C II and Si IV
(IRIS dataset) indicate blueshi/s followed by redshi/s, while the Mg II k line
profile indicate that at the same time but in different pixel positions,
blueshits and redshifts are present.

q Two possible scenarios:
v chromospheric evapora>on followed by condensa>on
v the blueshi/s are actually indica>ve of the rising mo>on of a flux rope

observed in AIA images.



Sunquakes: how can flare energy propagate towards 
the solar interior ?

Sunquakes: seismic waves observed for some but
not all CMEs and M- and X-class flares
(Kosovichev & Zharkova,1998; Donea, 2011).

These waves refract through layers deep in the
convection zone and appear as surface ripples,
traveling at speeds of some tens of km s−1 .

They have energy between 1027 and 1029 erg
and come from a source with an area of the
order of 10 Mm2 (associated with HXR and
WL sources).

45 s cadence (Scherrer et al. 2012). For helioseismic analysis
the data are tracked at the Snodgrass differential rotation rate
and remapped using Postel projection for helioseismic
purposes. In order to detect acoustic emission associated with
the flare, we applied both acoustic holography and surface
time–distance analysis to the tracked Dopplergram data. The
holography method (Donea et al. 1999) uses Green’s function

r rG t t,(∣ ∣ )� a � a� , which prescribes the acoustic wave
propagation from a point source, to essentially “backtrack”
the observed surface signal r t, .( )Z This allowed egression
images to be reconstructed showing the sub-surface acoustic
sources and sinks:

r

r r r r
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where a, b define the holographic pupil. The egression power is
then defined as :

r rP z dt H z t dt, , , , 22( ) ∣ ( ) ∣ ( )¨� �

where r′ and θ are the polar coordinates describing the vector
r r∣ ∣� a at the solar surface.
The time–distance analysis (Kosovichev & Zharkova 1998;

Zharkov et al. 2011b, 2013b) uses the surface line-of-sight
velocity obtained from the three-dimensional (3D) series of
observations (two horizontal dimensions plus time) by
selecting the source location, rewriting the observed surface
velocity signal in polar coordinates relative to the source, then
contracting the azimuthal dimension via integration applying a
Fourier transform. The result is a time–distance diagram
presenting the radial surface distance from the source versus
time seen as a ridge following the time–distance relationship
for the acoustic waves derived from Dopplergrams, pointing to
the circular ripples propagating on the solar surface from the
source where a flare occurs. Figure 2 shows the time–distance
plot associated with the acoustic source at 519 , 262 ,( )´ ´ and
from this we determine that an onset time is in the range of
17:48:31–17:51:31 ± 45 s.

Photospheric velocity changes are seen in the HMI Doppler
data within the southern flare ribbon at 519 , 262( )´ ´ between
17:45:31 and 17:47:46 UT. During large flares it is likely that
HMI channels will be affected by intensity core reversals, and
indeed these are seen in the magnetic field data. Also, the
photospheric data analyzed by Judge et al. (2014) indicate quite
modest velocities in the quake location. Most of the SQ
detections made using acoustic holography reported up until
recently have been characterized by a well-defined localized
acoustic kernel. Such kernels are normally seen in egression
measurements at more than one frequency. While the shape and
extent of the kernels may vary from frequency to frequency,
they tend to be cospatial. The shape, longevity, and prominence
of kernels may also depend on the choice of the pupil used in
egression. But again, the location of the strongest emission
remains approximately the same. As Figure 1 in Judge et al.
(2014) shows, and is independently verified by our measure-
ments, the 6 mHz egression data in this event are quite noisy,
indicating several potential kernels. We also found that the
shapes and locations of these kernels varied considerably from
frequency to frequency, as well as with the choice of pupil. To
localize the egression power emission, we used a 15 by 15 Mm

integration box to analyze the acoustic emission statistics for all
data points at different frequencies, marking the locations
where the signal passes 5σ threshold. This, combined with
time–distance analysis, allowed us to verify and localize the
source. In Figure 3, we show the 6 and 7 mHz egression power
contours (cyan and magenta, respectively), together with the
25–50 and 50–100 keV HXR contours overlaid on the
IRIS 2976Å slit-jaw image at 17:46 UT, indicating that there
was strong energy deposition in this location at many
wavelengths. This source is also the focus of the Judge et al.
(2014) work and they report two onset times for the egression
sources at 5.5 and 6 mHz of 17:46 and 17:51 UT, respectively.
In our analysis we also find some evidence for different
evolutions at different frequencies, with a peak time between
17:47:46 and 17:50:01 UT at 7 mHz, and between 17:50:46
and 17:51:31 UT at 6 mHz. It should be noted that because of
the filtering involved, the uncertainties in onset times derived
from holography can be ±5 minutes.

3. RESULTS

The egression source located at (519 ,´ 262´) has the greatest
statistical significance, and is also the location of the time–
distance source. In this work we use spectroscopy to probe the
conditions that prevailed in the overlying corona, transition
region, and chromosphere at this position, and compare them to
conditions at another bright location (NQ) in the northern flare
ribbon at (511 ,´ 272´). These positions can be seen in Figure 3
as corresponding to the sites of strong Mg II emission during
the peak of the impulsive phase at approximately 17:46:30 UT,
and for the SQ, to the strongest 6.0 mHz egression contours and
HXR emission. The NQ region is at the edge of the strongest
HXR emission in the northern ribbon, and this location is at the
Eastern edge of the FOV of the IRIS spectrograph, so we were
unfortunately unable to study the Mg II spectral response any
closer to the centroid of the HXR emission in the northern
ribbon.
The intensity and dynamics of the flare produced complex

profiles in all the spectral lines that we examined, as can be
seen in Figures 4–7, where we plot the He II 256.3Å Fe XXIII

263.76Å Si IV 1402.8Å and Mg II h and k spectra for the NQ

Figure 3. IRIS Mg II slit-jaw image showing the location of the sunquake (SQ)
and the non-quake (NQ) region and the location of the spectrograph slit
(vertical line), with 6 (cyan) and 7 (magenta) mHz egression contours and
RHESSI HXR contours (blue: 25–50 keV; black: 50–100 keV).
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If the flare energy is released in the corona, in order to drive an acoustic
disturbance in the solar interior, the energy must propagate through nine
pressure scale heights.

Matthews et al., ApJ 2015



Changes of the photospheric magnetic field
during/after flares

Sudol & Harvey (2005) studied 20 major flares observed
between 1999 and 2005, and found evidence of
longitudinal magnetic field changes in 15 X-class flares.

They concluded that “one of the basic assumptions of
flare theories, that the photospheric magnetic field does
not change during flares, needs to be reexamined.”

Rapid magnetic changes in the course of major flares
were also observed in horizontal magnetic fields
(Schmieder et al. 1994; Wang et al. 1994, Wang 2007).



Flare-induced Impulsive Sunspot Rotation
caught in High Resolution

RHESSI Science nugget
(November 2016) Chang Liu
et al.

See also Anwar et al. 1993 



Changes of the Chromospheric magnetic
field during flares

• Changes of the chromospheric BLOS

during an X1-flare on 2014 March 29.
These are stronger (maximum value
640 Mx cm−2) and in larger areas
than the photospheric changes.

• Photospheric changes are located
near the polarity inversion line,
chromospheric changes seem to
predominantly occur near the
footpoints of coronal loops.

• Changes are near (a few arcsec), but
not perfectly co-spatial with HXR
emission. Enhanced AIA emission
occurs in nearly all locations that
show changes of the magnetic field.

Kleint, 2017



Coronal Mass Ejections
CMEs can cause
important changes and
reconfiguration of the
(coronal) magnetic
field, i.e., displacements
of helmet streamers and
shrinkage of coronal
holes.

T. Wiegelmann et al.: The magnetic field in the solar atmosphere Page 37 of 106

Fig. 11 Composite STEREO/SECCHI EUVI 195 Å (Sun at the center of each image) and COR1 (sur-
rounding disk) images a before, b immediately after and c 27 days after a CME. The white arrow in b
indicates a streamer-like structure behind the CME which was interpreted as the current sheet in its wake,
also because it did not exist before (compare a), nor about a month after the ejection (compare with c).
The blue lines represent magnetic field lines calculated from a global PFSS model and projected onto the
STEREO/SECCHI images. In a similar manner, the white line displays the source surface neutral line. It
can be seen that, as a consequence of the CME, the coronal streamer migrated southwards (compare the
position of the coronal streamer above the south-east limb of the Sun in a and b) but survived and persisted
for more than one additional solar rotation (note the location of the streamer in c). (Figure 3 of Liu et al.
2009b. © AAS. Reproduced with permission)

that the global evolution of the coronal magnetic field gives rise to CMEs but is not
really influenced by them. In other words, the ejecta may be associated to the streamer
belt but may not have a lasting effect on it. This was supported by the observation
that the streamer belt appeared to reestablish itself within a few days after ejections
(Zhao and Hoeksema 1996). Although, it is certain that CMEs are associated with the
belt of coronal streamers (Hundhausen 1993), the disruption (or disappearance) of an
associated streamer was observed in only ≈15 % of the cases observed (Subramanian
et al. 1999; Floyd et al. 2014). In summary, whether mass ejections are only a response
to or a contributing factor to the coronal restructuring is not yet clear (Liu et al. 2009b).

It is generally agreed, however, that only mass ejections (which inevitably drag
the embedded magnetic field along) are capable of physically reducing the coronal
magnetic helicity, which is tightly related to the structural properties of the magnetic
field (Moffatt 1969). We discuss this in the following.

3.4 Magnetic helicity budget

3.4.1 Helicity dissipation and helicity transport

Magnetic helicity is dissipated on significantly longer scales than the magnetic field
and consequently the dissipation time in the corona is too long to relevantly reduce
the helicity (Berger 1984). For the helicity budget of ARs and quiet-Sun regions
see Sects. 4.6 and 5.2.6, respectively. Since magnetic helicity cannot be efficiently
dissipated, it is approximately conserved in the absence of ejecta, i.e., the magnetic
helicity in the solar corona will continuously buildup. This has important consequences
for the magnetic field relaxation towards a lower energy state. It implies that in the
course of a flare, but lacking a mass expulsion, a non-potential field can only relax

123

Due to a CME, the coronal streamer migrated southwards,
and then persisted for more than one solar rotation.

v CMEs can reduce the coronal magnetic helicity, carrying during their
travel an amount of ~ 1041 – 1043 Mx2.

v During flares not associated to CMEs, magnetic helicity cannot be
efficiently dissipated, so that magnetic helicity in the corona will be
continuously buildup.



Trend of magnetic helicity before and after CMEs

However, it is not 
possible to single out 
a general rule on the 
behaviour of the 
magnetic helicity
after a CME, as  it 
can: 
q continue to grow
q start to decrease 
q become constant,
q change its sign.

Park et al. (2010) showed
that in flaring ARs the
helicity injection was
twice that of non-flaring
regions.

Smyrli et al., A&A, 2010



Correlation between Flares – Eruptive Filaments – CMEs
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TABLE 6.1: Previous results on the correlation between CMEs, flares
and eruptive prominences.

Authors Number Period CMEs CMEs
of associated with associated with

CMEs eruptive prominences H↵ flares
St. Cyr and Webb (1991) 73 1984 – 1986 76 % 26 %
Gilbert et al. (2000) 18 1996 – 1998 76 % 94 %
Subramanian and Dere (2001) 32 1996 – 1998 59 %
Zhou, Wang, and Cao (2003) 197 1997 – 2001 94 % 88 %

1998, and discovered a clear association between H↵ flares and CMEs (94 %), while
76 % of CMEs present an association with eruptive prominences. Subramanian and
Dere (2001), in the same period using data acquired by LASCO and EIT instruments
(Delaboudinière et al., 1995) showed that the majority (44 %) of eruptive prominence
associated with CMEs are inside the AR, while 15 % are outside the AR.

Zhou, Wang, and Cao (2003) selected 197 frontside halo CMEs from LASCO
database, covering a period ranging from 1997 to 2001. They made a distinction
between two categories of events: CMEs associated with flares (88 %) and the ones
associated with eruptive filaments (94 % ). They found that 59 % of the CMEs asso-
ciated with flares occur before the flare onset observed by GOES in agreement with
Howard (1974) and Ludwig and Johnson (1981)), while the other events occur after
the flares.

Zhang et al. (2001a) found that the impulsive acceleration phase of the CMEs
coincide with the rise phase of the associated flare in the X ray range. Qiu and
Yurchyshyn (2005) found a direct relationship between the CMEs velocities and the
total magnetic flux involved in the reconnection.

Finally we recall the analysis on the X-ray flares and CMEs correlation using
GOES and LASCO datasets extending from 1996 to 2006 carried out by Aarnio et
al. (2011). They considered 13682 CMEs and 826 flares associated with CMEs. They
found that an increase of the CME mass is related to an increase of the flux of the
flares, following an approximately log–log relationship: log(CME mass) = 0.70 ⇥
log(flare flux). Aarnio et al. (2011) have also pointed out higher linear velocities
(495 ± 8 km s�1) of the CMEs associated with flares in comparison with those that
were not associated with flares (422± 3 km s�1).

On the other hand the CMEs width is strongly correlated with the flux of the
flares. The CMEs associated with flares of X GOES class are usually the widest ones
(80�± 10�), while the CMEs associated with flares of B GOES class are the narrowest
(42� ± 1.4�) (Aarnio et al., 2011).

6.2 GOES dataset

In order to investigate on the flares and CME correlation we used the same datasets
considered in Sect. 5, and collected 19811 C, M, and X-class flares using the dataset
acquired by GOES, extending from July, 31, 1997 to March, 31, 2014. We found
17712 flares of C class (89.40 %), 1884 flares of M class (9.51 %), and 155 flares of
X class (0.78 %). We also took into account the flare location on the solar disk when
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TABLE 6.2: Correlation between CMEs and flares for CDAW and
CACTus datasets in the ± two hours time interval.

Flares CDAW CACTus
GOES Number flare CMEs flare CMEs
class of associated not associated associated not associated

events with CME with flares with CME with flare [%]
± 2 h [%] [%] ± 2 h [%]

C 17,712 10003 (56.47 %) 11074 (48.40 %) 7755 (43.78 %) 6396 (41.22 %)
M 1884 1308 (69.43 %) 1242 (65.92 %)
X 155 130 (89.39 %) 121 (78.06 %)

Halo CMEs 616 315 (51.14 %) 301(48.86 %)

TABLE 6.3: Correlation between CMEs and flares for CDAW and
CACTus datasets in the ± one-hour time interval.

Flares CDAW CACTus
GOES Number flare flare
class of associated associated

events with CME with CME
± 1 h [%] ± 1 h [%]

C 17,712 5842 (32.98 %) 4228 (23.87 %)
M 1884 951 (50.48 %) 771 (40.92 %)
X 155 118 (76.13 %) 86 (55.48 %)

11441 and 9120 flares associated with CMEs using the CDAW and the CACTus cat-
alogs, respectively. The distributions of these flares according to the GOES class are
reported in Table 6.2. In both cases the temporal shift between the flare and the
CME decreases if we consider the distributions obtained using the flare-peak time
and the flare-end time (see Figure 6.3). In Table 6.2, 6.3, and 6.4 we present the as-
sociated CMEs-flares using only temporal criteria. In this way we obtained in first
approximation a high number of CMEs associated with flares, which drastically de-
creases when we apply a spatial correlation between these events to select the true-
associated events as described in the following Section 6.5, so that finally we found
only 1277 CMEs associated with flares that are spatially and temporally correlated.

The same analysis was performed using the time intervals ± one hour, ±30 min-
utes, and the flare start time. The results are reported in Tables 6.3 and 6.4. A similar
behavior of the correlation between CMEs and flares in different time intervals and
in different GOES classes has been found for both datasets. We ascribe the smaller
number of CACTus CMEs associated with X-class flares to the limits of the CACTus
algorithm in the detection of the fastest CMEs (Yashiro, Michalek, and Gopalswamy,
2008).

The distributions of C-, M-, and X-class flares associated with CMEs, as a func-
tion of the year in the solar cycle in the time interval of ± two hours, ± one hour,
±30 minutes, are shown in Figures 6.4 and 6.5 for CDAW and CACTUs, respectively.
We note that the probability of finding CMEs associated with flares decreases when
the time window is narrower. However, we see that the peak and the shape of the
distributions remain similar, independently of the considered time window.

In the top panel of Figures 6.4 and 6.5, the peaks correspond to the years 2000 –
2002 and 2011 – 2014, and are in agreement with the solar activity cycles (see Figure

q More than 80% of (filament) eruptions lead to CMEs (Schmieder et
al. 2013).

q The energy threshold for near one-to-one correspondence between
flares and CMEs appears to be at the GOES X2 level (Hudson, 2010).

Compagnino et al. 2016
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TABLE 6.2: Correlation between CMEs and flares for CDAW and
CACTus datasets in the ± two hours time interval.

Flares CDAW CACTus
GOES Number flare CMEs flare CMEs
class of associated not associated associated not associated

events with CME with flares with CME with flare [%]
± 2 h [%] [%] ± 2 h [%]

C 17,712 10003 (56.47 %) 11074 (48.40 %) 7755 (43.78 %) 6396 (41.22 %)
M 1884 1308 (69.43 %) 1242 (65.92 %)
X 155 130 (89.39 %) 121 (78.06 %)

Halo CMEs 616 315 (51.14 %) 301(48.86 %)

TABLE 6.3: Correlation between CMEs and flares for CDAW and
CACTus datasets in the ± one-hour time interval.

Flares CDAW CACTus
GOES Number flare flare
class of associated associated

events with CME with CME
± 1 h [%] ± 1 h [%]

C 17,712 5842 (32.98 %) 4228 (23.87 %)
M 1884 951 (50.48 %) 771 (40.92 %)
X 155 118 (76.13 %) 86 (55.48 %)

11441 and 9120 flares associated with CMEs using the CDAW and the CACTus cat-
alogs, respectively. The distributions of these flares according to the GOES class are
reported in Table 6.2. In both cases the temporal shift between the flare and the
CME decreases if we consider the distributions obtained using the flare-peak time
and the flare-end time (see Figure 6.3). In Table 6.2, 6.3, and 6.4 we present the as-
sociated CMEs-flares using only temporal criteria. In this way we obtained in first
approximation a high number of CMEs associated with flares, which drastically de-
creases when we apply a spatial correlation between these events to select the true-
associated events as described in the following Section 6.5, so that finally we found
only 1277 CMEs associated with flares that are spatially and temporally correlated.

The same analysis was performed using the time intervals ± one hour, ±30 min-
utes, and the flare start time. The results are reported in Tables 6.3 and 6.4. A similar
behavior of the correlation between CMEs and flares in different time intervals and
in different GOES classes has been found for both datasets. We ascribe the smaller
number of CACTus CMEs associated with X-class flares to the limits of the CACTus
algorithm in the detection of the fastest CMEs (Yashiro, Michalek, and Gopalswamy,
2008).

The distributions of C-, M-, and X-class flares associated with CMEs, as a func-
tion of the year in the solar cycle in the time interval of ± two hours, ± one hour,
±30 minutes, are shown in Figures 6.4 and 6.5 for CDAW and CACTUs, respectively.
We note that the probability of finding CMEs associated with flares decreases when
the time window is narrower. However, we see that the peak and the shape of the
distributions remain similar, independently of the considered time window.

In the top panel of Figures 6.4 and 6.5, the peaks correspond to the years 2000 –
2002 and 2011 – 2014, and are in agreement with the solar activity cycles (see Figure
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TABLE 6.4: Correlation between CMEs and flares for CDAW and
CACTus datasets in the ± 30 min. time interval.

Flares CDAW CACTus
GOES Number flare flare
class of associated associated

events with CME with CME
± 30 min. [%] ± 30 min. [%]

C 17,712 2992 (16.89 %) 2159 (12.19 %)
M 1884 445 (23.62 %) 341 (18.099 %)
X 155 62 (40.00 %) 37 (23.87 %)

5.1). We can see in the distribution of C-class flares associated with CMEs (top panels
of Figures 6.4 and 6.5) that these events are present also during the phases of mini-
mum of solar-activity. In the distribution of M-class flares ( middle panels of Figures
6.4 and 6.5) we can see a trend very similar to the one found for C-class flares.

On the other hand, we note that the distribution of X-class flares associated with
CMEs is more uniform across the solar cycle than that of C- and M-class flares for
both datasets. For example, for CDAW in 1998 and 2005 we observe 14 and 18 X-
class flares associated with CMEs respectively, while for CACTus we observe 6 and 8
X-class flares in those years, although the magnetic activity was not high. However,
when we consider only the flares associated with CMEs in a ±30 minute time win-
dow, we find a distribution of the X-class flares more consistent with the solar cycle
for both distributions. We then can state that the shape of the distributions of C-, M-,
and X-class flares associated with CMEs varies with the intensity of the flares.

In Figure 6.6 we show the distribution of CMEs velocity, distinguishing between
events associated with flares in the ± two hours time window and events not asso-
ciated with flares.

The mean CMEs velocities in CDAW datasets for the CMEs associated and not
associated with flares are 472.87 ± 2.77 km s�1 and 379.41 ± 2.25 km s�1, respec-
tively. The mean CMEs velocities in CACTus dataset for the CMEs associated and
not associated with flares are 500.62 ± 3.28 km s�1 and 437.75 ± 3.79 km s�1 respec-
tively. In Figure 6.6 (right panel) we note that there are a great number of CMEs
not associated with flares in the CACTus dataset with velocities between 100 – 200
km s�1. In fact,the mean velocities for CMEs associated with flares are higher than
the velocities for CMEs not associated with flares in both datasets. Therefore, our
results are very similar to those found by Aarnio et al. (2011).

The distribution of the CME acceleration (left panel of Figure 6.7) shows that
the CMEs associated with flares have an average acceleration of -0.32± 0.34 m s�2,
while the CMEs not associated with flares have an average positive acceleration of
3.44±0.39 m s�2 . We notice that these values are slightly different from those found
by Aarnio et al. (2011) due to the diverse sample of events considered in our analysis.

In the right panel of Figure 6.7 we report the distribution of the CME mass.
The logarithms of mean CME mass for CMEs associated with flares and not are
14.70± 0.006 g and 14.54± 0.004 g, respectively.

Furthermore we found different linear velocity distributions when we distin-
guish among the three flare classes (Figure 6.8). The CDAW velocity distribution of

Compagnino et al. 2016



Open 
questions



Eruptive events: we need to know where, when and 
how the magnetic energy is stored and released

Fletcher, 2014

🔍
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FIGURE 2.4: Schematic representation of the standard flare model,
showing the locations of the rising filament /prominence and of the

current sheet.

These post-flare loops emit radiation, so they cool down until they show an
emission in the EUV range with a temperature ranging from 1 to 2 million of Kelvin.
The outer loops are seen in SXR while the inner loops are seen in EUV and later in
H↵ (see Figure 2.5).

WE NEED HIGH RESOLUTION OBSERVATIONS
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